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Chapter 1

Introduction

The main source of information about astrophysical objects is their radiation, which
we are able to measure. Collected electromagnetic radiation, in the form of a spec-
trum, is the richest and most useful source of information about distant objects.
To study these objects, it is necessary to understand how radiation is transferred
through different media. Hence, the solution of the radiative transfer problem is one
of the most important tasks in astrophysics.

This thesis is focus on very luminous, massive, hot stars that can be seen even
at large distances. Due to their high luminosity and, consequently, very strong
radiation field, almost all hot stars exhibit continuous outflow of material from their
surface, called the stellar wind. Observed spectra of these objects contains “encoded”
information about matter, which the stellar radiation passes through. To decode this
information and deduce both stellar and wind properties, it is necessary to compute
synthetic spectra, i.e. to solve the radiative transfer equation. In the context of
hot stars and their winds, the radiative transfer equation should be solved first in
static media (through the stellar atmosphere, lower part of the envelope), since the
emergent radiation is formed in these regions, and then in moving media (through the
stellar wind, upper part of the envelope), which changes the emergent radiation from
the star!. This is not an easy task, because to describe both static and expanding
atmospheres accurately, numerous physical processes have to be taken into account.
To obtain a consistent solution of the radiative transfer equation, efficient numerical
tools are needed. The problem becomes even more complicated if the medium is not
smooth, but rather inhomogeneous, as is the case of hot star winds.

I For hot stars it is not necessary to consider atmospheric convection.
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1.1 Importance of hot star winds research

Hot stars (namely spectral types O and B) are spectacular objects in the Universe.
They are very bright with surface temperatures T' &~ 10— 50 kK and high luminosities
which reach L ~ 10° —10° L. The most luminous among them are the most massive
ones. They are located in the upper left corner of the Hertzsprung-Russell Diagram
(HRD) with Zero-Age-Main-Sequence (ZAMS) masses of Mzans ~ 10—50 M. Hot
stars live short (~ 107 years on the main sequence) but intensive lives, and usually
end as core-collapse supernovae (SN), which are amongst the most powerful events
in the Universe.

The most important property of massive, hot stars, which governs their evolution,
is the mass-loss. Through stellar winds or during SN explosion, massive, hot stars
expel tremendous amount of material and energy. Since hot stars are very luminous,
their winds can be extremely strong, producing a very high mass-loss. During their
main sequence lifetime, hot stars can lose a substantial fraction (~ 50 %) of their
initial mass, consequently, imposing a significant effect on the star’s evolution, affect-
ing the chemical composition, surface abundances, and luminosities of these stars.
Thus, to correctly understand life and death of massive, hot star, mass-loss must be
understood in all stages of their evolution.

Stellar winds enrich the interstellar medium with heavier elements, created by
nuclear processes inside the stellar core, and significantly impacting the chemical
composition of the interstellar medium, and evolution of the star’s host galaxies (see
e.g., Abbott, 1982; Leitherer et al., 1992).

The highly supersonic flow of hot star winds provides energy and momentum via
interaction with the interstellar medium, and many shocks and mass compressions
may develop. As cosmic engines, hot stars trigger and regulate star formation. It
is believed that the first stars in the early Universe were massive hot stars and that
they were responsible for the reionization of the early Universe (Bresolin et al., 2008).

As current detailed spectral modelling of the observed lines formed in these winds
gives very good agreement between theory and observations, it is possible to infer
important stellar properties (such as mass, luminosity, and temperature). It is thus
possible to use massive, hot O and B stars, visible at large distances, as “standard
candles” to infer distances to extragalactic objects (see, e.g., Kudritzki et al., 1992).

Although hot stars are rare and represent only a small fraction of the total stellar
population, they are very important for studying the properties, physical conditions,
and stage of both our own and other distant galaxies.

1.2 Motivation for the present work

The dominant spectroscopic signatures of hot stellar winds are the characteristic
P-Cygni profiles, which are created in the differentially expanding medium. These
profiles, but also other emission or absorption line profiles that may appear in spec-
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trum of the massive, hot star winds, contain a lot of information about physical
properties and kinematics of stellar winds. Therefore, it is important to understand
how these line profiles are formed, and how wind matter with particular density and
velocity distributions may affect line profile morphology.

Hot star winds are observed in different spectral regions, from the radio and
infrared (IR) through the optical and ultraviolet (UV) to X-rays, and possibly -
rays. All of these spectral regions can be used as diagnostic tools for estimating
stellar wind properties. One primary diagnostic tool for studying hot star winds is
the analysis of UV P-Cygni resonance line profiles, which are typically extremely
broad and easily identified. Since they are formed over the entire wind range, they
provide much information about wind conditions.

In observations from the Copernicus satellite observatory (Morton, 1976) and
later with the International Ultraviolet Explorer (IUE) satellite (Prinja and Howarth,
1986), many time-dependent phenomena, namely large-scale structure, were ob-
served. Far Ultraviolet Spectroscopy Explorer (FUSE) was the last launched UV satel-
lite observatory with higher resolution and sensitivity in the spectral range between
900 to 1200 A. Spectra obtained from this satellite provided a wealth of informa-
tion, not only about large-scale structures, but also about the stochastic small-scale
time-density inhomogeneities distributed throughout the wind, known as clumping.

The amount of matter expelled from the star by its wind is called the mass-
loss. The stellar mass-loss rate can be predicted theoretically, usually assuming the
stationary, homogeneous and spherically symmetric wind model (“standard wind
model”). To check the validity of theoretical wind models, predicted mass-loss rates
are compared with empirical ones inferred from observations. These two approaches
give values of mass-loss rates which are not in agreement. The proper determina-
tion of mass-loss rates is further complicated by the fact that various mass-loss rate
diagnostics provide different values of the mass-loss rate. The standard wind model
assumptions provide mass-loss rates which are usually overestimated. It is believed
that wind clumping is the main reason for this deviation. Since wind clumping
influences almost all mass-loss diagnostics, such as analysis of UV P Cygni reso-
nance profiles, H, diagnostics, and thermal radio and far infrared (FIR) continuum
emission, any mass-loss diagnostics which do not account for wind clumping may
underestimate the actual mass-loss rates. Therefore, to obtain empirically correct
mass-loss rates, this property must be taken into account.

For correct modelling of the resonance lines, which are a key diagnostic of stellar
mass-loss, the stellar wind clumping turned out to be very important. To incorporate
clumping into the radiative transfer calculation, three-dimensional (3-D) models are
required. Various properties of the clumps may have strong impact on the resonance
line formation, and therefore, on the determination of empirical mass-loss rates.
Important steps have been made in the past five years to calculate emergent spectra
from clumped winds. However, all previous studies have applied simplifications to
the wind geometry. The structured stellar winds present essentially a 3-D problem,
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and a full description requires a 3-D radiative transfer.

In this thesis, the full problem of resonance line formation with 3-D radiative
transfer in the inhomogeneous (clumped) wind is treated for the first time. By
synthesizing resonance line profiles using newly developed 3-D Monte Carlo Radiative
Transfer (MCRT) code, it was investigated how different properties of clumps may
influence the formation of resonance lines (mostly UV lines) and how it can affect
mass-loss rate determination.

1.3 Overview

To easily follow and understand the problem to be solved in this thesis, Chapter 2
gives a brief overview of hot star winds, the basic theory of line-driven winds, and
spectroscopic wind diagnostics that are used for the determination of wind param-
eters. In Chapter 3, wind clumping is introduced. Theoretical predictions and ob-
servational evidence of wind clumping and how it can influence the mass-loss deter-
mination are also discussed. Chapter 4 describes radiative transfer in a stellar wind,
as well as methods used to solve radiative transfer equation, while in Chapter 5 a
detailed description of the developed 3-D MCRT code for inhomogeneous medium is
given. Chapter 6 presents results of the model calculations, namely how inclusion of
wind clumping in density and velocity, as well as the effect of a non-void interclump
medium, may affect the resonance line formation. Comparison with observation is
shown in Chapter 7, with Chapter 8 providing a summary of this work and an outline
of further work.



Chapter 2

Hot star winds

Hot stars emit their peak radiation in the UV wavelength region which is not accessi-
ble from graund. Only after the first rocket AEROBEE was launched, it was possible to
obtain stellar spectra in the UV region. In the first UV spectra of early-type super-
giants, Morton (1967a) found that the resonance lines (such as Nv A\1239,1243 A,
Sitv AA1394,1403 A, and C1v AA1548,1551 A) show P Cygni profiles, which are
typical for outflows. He also found that the displacement in the profiles corresponds
to outflow velocities in the range 1500 — 3000 kms~*. These initial UV observation,
combined with IUE observations, concluded that all hot stars with a mass larger than
15 Mg, show a high velocity outflow, the so-called stellar wind.

Hot stars lose their mass via stellar winds. The mass-loss rate, M, is the mass-
lost by star per unit of time and is usually measured in units of solar mass per year,
Mg /yr. Morton (1967b) made the first estimate of the mass-loss rates of three OB
supergiants (d, €, and ¢ Orionis) from the observed strengths of shifted N v, and Si1tv
absorption lines. From the particular model adopted, the mass-loss rate was of the
order of 107¢ M, /yr, a value that is still valid.

The velocity of the wind grows from the photosphere and reaches its maximum
far from the stellar surface. Since no external force acts on the stellar wind there,
the velocity of the wind remains constant at large distances from the star. Thus, it
is called the terminal velocity of the wind, vo.. Luminous hot stars have stellar winds
with high terminal velocity of typically about v, ~ 1000 — 3000 kms™!, i.e., of the
order of 1% of the speed of light, which is significantly higher than the local speed
of sound (in the atmospheres of hot stars it is &~ 10 — 30kms™'). Hence, the hot
star wind is usually described as a supersonic continuous outflow of particles ejected
from the upper atmosphere of a star into the interstellar medium.

Let us now make a comparison with the Sun. Since the Sun belongs to a different
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temperature class of stars, it exhibits a different type of stellar wind. The solar wind
consists of a hot (7' ~ 2 x 10°K) coronal wind driven by gas pressure and heat
conduction. Via the weak solar wind with speeds between 400 — 700 kms~!, our Sun
loses only about 107'* Mg /yr. Comparatively, hot stars lose about five orders of
magnitude more mass per year and their winds are much faster.

2.1 Line-driven wind theory

Theoretical study of hot star winds commenced when it was discovered that elec-
tromagnetic radiation carries momentum that can be transferred to matter in the
process of light scattering. Milne (1924, 1926) and Johnson (1925, 1926) proposed
that material can be ejected from the star by the absorption and scattering of the
radiation. Milne (1926) showed that Doppler effect is important for the line radiative
acceleration, and that the force acting on selected ions due to absorption of photons
can exceed gravity and ions then can leave the surface of the star.

Observed resonance lines of Sitv, C1v, and NV put constrain on the tempera-
ture in the wind, their presence exclude temperature of the order of 107 K, which are
necessary for the solar type coronal wind (Parker, 1958). However, such high temper-
ature would completely shift the ionization balance to higher ionization degrees, and
the lines of Sitv, C1v and N v would not be observed. Therefore, it was concluded
that another mechanism other than gas pressure must play a role in hot star wind
driving. To explain the observed mass-loss, Lucy and Solomon (1970) suggested that
absorption in the UV resonance lines of abundant ions identified by Morton (1967b)
can resist stellar gravity and set up continuous mass flow, i.e., to drive the wind.
They suggested that momentum transferred from the photons to the particles of the
wind (i.e. the radiation pressure) is responsible for the wind driving (see Lucy and
Solomon, 1970). Mass-loss rates obtained were two orders of magnitude lower than
the value obtained from observation.

Significant progress in hot star wind theory, Castor et al. (1975, hereafter CAK)
made. Solving the hydrodynamic equations, which treated the wind as a single hy-
drodynamic fluid assuming that the wind is driven by the radiation pressure. Castor
et al. calculated the force due to line absorption using the Sobolev approrimation
(Sobolev, 1947). With a parametrized line force, the authors constructed a wind
model, the so-called CAK model, based on assumptions that the wind is spherically
symmetric, stationary, homogeneous, and free of magnetic fields. This model is also
known as the standard wind model.

The CAK-theory parametrization was improved by Abbott (1982), and the theory
continued to develop further (see, e.g., Friend and Abbott, 1986; Pauldrach et al.,
1986; Owocki et al., 1988; Kudritzki et al., 1989, and a review by Kudritzki and
Puls 2000). For more recent reviews of the physical mechanism of line driving and
of line-driven stellar winds see, e.g., Krticka and Kubat (2007), Puls et al. (2008), or
Owocki (2010).



2.1 Line-driven wind theory

2.1.1 Radiation line-driven mechanism

After photons are emitted from the star’s photosphere, they interact with wind
material, mostly consisting of hydrogen and helium, heavier elements (e.g., ions of
carbon, nitrogen, silicon, iron, nickel, ...), and free electrons. If energy of the photon
is equal to the energy required to excite a particle in the wind, then the photon is
absorbed. In this process, not only is the photon’s energy transformed into excitation
energy of the particle, but the momentum is also transferred. After a very short time
(typically 1078 s) the particle de-excites to its ground state and photon is re-emitted
again. The resulting net-momentum of the ion due to absorption and emission of the
photon follows from the vector-sum of the photon and ion momenta. Since photon
frequencies remain almost unchanged, it seems that photons are simply scattered to
another direction and thus this process is called the line scattering. If the lower level
of the scattering transition is the ground level of the ion, then the process is called
the resonance line scattering. Winds driven by the line scattering process, which is
a bound-bound type transition, are known as radiation line-driven winds.

An additional process necessary to drive the wind are Coulomb collisions. Via
Coulomb collisions, accelerated ions transfer their momenta to the bulk plasma of
the wind (hydrogen and helium), and the total wind is accelerated outwards. Since
hydrogen and helium have very few lines in the relevant spectral range in which
early-type stars emit most of their radiation, metal lines are responsible for the line
driving. Thus, hydrogen and helium are mostly passive components of the wind and
inefficient for wind driving. If transfer of momentum between metallic and passive
wind component is efficient, the wind is well-coupled and can be treated as one
component (Castor et al., 1976). If the transfer of momentum is inefficient, the wind

components may decouple (Springmann and Pauldrach, 1992, see also Krticka and
Kubat 2000).

2.1.2 Wind hydrodynamic equations

For the single-fluid treatment of a stellar wind, neglecting viscosity and forces due to
electric and magnetic fields, the differential form of the equations of the continuity
and momentum is as follows

ap B

% +V.-(pv)=0 (2.1)
ov 1
_8t + ('U : V)’U = —;Vp + Gex (22)

where v is the velocity field, p is the mass density, p is gas pressure. These are
functions of position and time. The vector of external acceleration g., includes
gravitation and radiation forces. To complete the hydrodynamic system of equations,
an energy equation is also required. For hot star winds, an approximate solution
of the energy equation is allowed (see Klein and Castor, 1978), assuming that the
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Chapter 2. Hot star winds

electron temperature is approximately constant with radius and slightly less than
the photospheric effective temperature, T.g, i.e. isothermal wind.

Considering a spherical star of mass M,, radius R,, and bolometric luminosity
L,, with stationary and spherically symmetric wind, the hydrodynamic equations
(Eq. 2.1 and Eq. 2.2) reduce to one-dimensional (radial) form as

1d
ﬁa(pUTT'Q) =0 (23)
and d q
v, p
pUr_dr = _E + Jgrav + Jrad (24)

where the radial component of the external acceleration is represented as a sum of
the total radiative acceleration, g;.q (which will be discussed in detailed in Sub-
section 2.1.3), and the radial component of the gravitational acceleration given by
Jarav = GM.,./r* (M, is the stellar mass and G is the gravitational constant). The
integral in Eq. 2.3 gives the total outward mass flux, i.e. mass-loss rate,

dM,

M=
dt

= 47 p(r) v.(r) r* = const. (2.5)

The gas pressure p is given by an ideal gas equation of state,

kgT
_ P = pa’, (2.6)
g

where kg is Boltzmann’s constant, my is the mass of a hydrogen atom, and p is the
mean molecular weight of gas particles.

2.1.3 The radiative force

The radiative acceleration (force per unit mass) due to a radiation field at a point r
is given by

Graa (1) = %/: dv f;_é} (koL (r, k) —n,)k dS (2.7)

where &, is a total (absorption plus scattering) mass extinction in cm™! and 7, is

emission coefficient. These coefficients are assumed to be isotropic i.e. independent
of direction k. I, is the monochromatic radiative intensity, and the unit vector k is
the direction of the radiation propagation. For isotropic emissivity, the integral over
all angles vanishes as well as the second term in Eq. 2.7, and x, can be factored out
of angular integration. Then, the radiative acceleration is reduced to

1 [ 1 [
Graa(T) = —/ Ky dl/j{ I,(r k) kdQ = —/ Ky JF,(r) dv (2.8)
v Q=4m v

¢ Jo—o ¢ Jo—o



2.1 Line-driven wind theory

where F,, is the monochromatic flux,

Folr) = 752 Lk kas (2.9)

Total radiative acceleration may be split to two components: the acceleration due to
continuum opacity, and the acceleration due to an ensemble of spectral lines, i.e.,

Grad (1) = Geont () + Giine(7)- (2.10)

Continuum opacity There are several types of continuum processes: atomic free-
free and bound-free transitions and scattering on free electrons. Continuum opacity
due to free-free and bound-free processes can be neglected in the winds of O and B
type stars. Therefore, scattering of free electrons (Thomson scattering) is the main
contributor to the continuum opacity. The continuum integral in Eq. 2.7 is propor-
tional to the continuum bolometric flux F, = L,/ 4mr?, where L, is the bolometric
(total) stellar luminosity. Hence, the continuum acceleration can be written as

Geont () = 7/y:0 dyfly(r,k) kdQ = P ﬂthm,

(2.11)

where [7 is "direct” continuum intensity from the stellar surface, and c is speed
of light. Ky, is the Thomson scattering opacity given by k¢, = neo., where o, =
6.65 x 1072 cm? is the cross-section for Thomson scattering and n. is the number
density of free electrons. The continuum acceleration has the same 1/r* dependence
on distance as the gravitational acceleration. Their ratio is conveniently expressed
in terms of the so-called Eddington factor

F _ Geont _ UeL*
¢ Geav  4TcGM,’

(2.12)

[, is spatially constant, fixed by the luminosity-mass ratio, L. /M., which is indepen-
dent of radius and hence has a characteristic value for each star. For hot stars it is
often within a factor of 2 below unity. The limit I'c — 1 is known as the Eddington
limit.

Wind driving requires that the radiative force become larger than the gravity
force. The continuum radiative force is not sufficient, consequently some additional
force is required.

Line opacity The general expression for the radiation acceleration due to an en-
semble of lines in a medium moving with the velocity v(r) is given by

g =% ’%L /0 dv f o(v — /) L(r, k) kdQdv, (2.13)

lines
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Chapter 2. Hot star winds

where sum is over all lines, and kp, is line opacity (absorption coefficient) for one
single line determined by atomic physics as

me?

R, = fL ;. (214)

oC
The first factor, (me?)/mec = 0.02654 cm? s, e the elementary charge, m, the elec-
tron rest mass, fi, is the oscillator strength which depends on the line, n; is the
number of atoms of ion ¢ that can absorb in the line, and ¢(v) is a normalized line
profile function.

For gas in motion, the frequency of radiation v seen at position r will be Doppler
shifted by

v = 1o {1 + %k - 'v(r)] , (2.15)

where v is the frequency in the comoving frame and v(r) is flow velocity of the gas,
assumed to be non-relativistic.
Let us now introduce the dimensionless frequency displacement (from line centre)

in Doppler units as
vV — 1)

AI/D ’

If we assume that there is no turbulence in the wind, the Doppler width is given as

v = (2.16)

)

AI/D = — Uth, (217)
c
where
2kgT
Vi = B (2.18)
m;

is the ion thermal speed in the gas, and m; is mass of driving ion ¢. The total line
radiative acceleration can thus be written as

G = G / dxj{ ¢ (m ke ”(r)) L (r, k) kdQ (2.19)
c r=—00 QO=4r

m Uth
me

where dz = dv/Avp, and v — V' = © — k- v(r)/vyn. The profile functions are
normalized such that

/:; ¢(v)dv = /_Z ¢(x)dr = 1. (2.20)

To determine the radiation intensity in Eq. 2.19, we need to solve the radiative
transfer equation. The formal solution of radiative transfer equation along the ray,
assuming that the source function is isotropic and independent of frequency, can be
written as

[1/(7—1/) = / SV(T,)Q_(TV_T[’)dT; -+ [ﬁonte_ﬂ/, (221)
0

v
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2.1 Line-driven wind theory

where 1€ is the continuum intensity emerging from the core, and 7, the geometry-
independent optical depth along the ray defined as

w0 = [ wptryo (o= 22D ar (222

Uth

where p is density distribution of the medium, and the path length ranges from the
stellar surface at R, = 0 to the same radius ' = r in the wind.

For a monotonically increasing function of the velocity law, the optical depth in-
tegral in Eq. 2.22 can be simplified by invoking the Sobolev approximation (Sobolev,
1947, 1957). This approximation is valid only if the velocity gradient is sufficiently
large. In this approximation the profile function can be approximated with a J-
function that is sharply peaked around the central line frequency. The Sobolev
approximation is based on assumption that, due to the Doppler shift caused by the
accelerating flow, the geometrical size in which a line can absorb photons with the
fixed frequency is so small that flow variables xr, and p change very little. This geo-
metrical size, the “Sobolev length” Lg, is the distance over which the velocity of the
flow increases by an amount equal to the thermal velocity of the scattering ions. The
frequency of the line in the observer’s frame of reference is changed by a Doppler
width over Lg. If the Lg is smaller than a typical length scale H of the flow, then
the optical depth integral becomes a function of the local parameters only,

Uth P v

L= " <« H= ~ .
S dv/dr < dp/dr  dv/dr

(2.23)

In the Sobolev approximation, the local variables xp, and p are slowly varying and
can be taken out of the optical depth integral in Eq. 2.22. Since the velocity of the
flow is monotonic, it is possible to make a one-to-one change from the spatial into
frequency space, such that

N AIG) (2.24)

Uth

and 1 1
da' = ———dlk - o()] = ——k - V[k - v(r")]dr". (2:25)

Vth Uth

Then, the optical depth at radius r and frequency x given by Eq. 2.22

) =1 / oo b(a)de, (2.26)

where
rLp(r)vm _ KLp(r)om
Y k-V[k- o(r

T, =

7 = rLp(r)L (2.27)

is the Sobolev optical depth. The denominator in Eq. 2.27 represents the projected
gradient of the projected velocity in a direction k of the ray. The integral in Eq. 2.26
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Chapter 2. Hot star winds

is proportional to the error function for pure Doppler broadening, i.e., Gaussian
profile, ®(2’).

A common assumption in hot star wind theory is coherent scattering and the
complete frequency distribution (Hummer, 1969; Castor, 1970; Rybicki and Hum-
mer, 1992). In this case, the source function, which consists of diffuse and direct
“core” terms (see Eq. 2.21), can be written in a simplified form keeping only the
direct continuum term from the formal solution for the intensity; the diffuse term
is neglected. The continuum intensity 7™ can be assumed to be constant over the
line and taken out of the integral in Eq. 2.21. The line radiative acceleration from a
sum of spectral lines in the Sobolev approximation can be written in analytical form
as

o0

tot . "QLAVD cont —7.,P(z') /
; = g 74 I 0 kdQ L do
ghne(r) c ( ) /; € ("7; )

=—00

lines

_ o TL
=y ot f{ 1"(Q) k dQ {—1 ‘ ] .
c L

lines

2.2 Spectral diagnostics of stellar winds

One of the most important diagnostics of stellar winds is spectral lines formed by
different processes. Depending on process, which is responsible for line formation,
variety of the line profiles can exhibit in the wind offering different wind diagnostics.

Typical wind lines can appear either as absorption or emission lines, or with a
P-Cygni line profile’. This type of profile consist of both a blue-shifted absorption
and a red-shifted emission component. Wind lines are usually very broad and easily
identifiable. They can be formed over the entire wind range, even in the deeper part
of the wind with lower velocities. The mass density and velocity distribution of the
wind, as well as the ionization balance of the wind are responsible for a variety of
wind profile morphology. The presence and properties of stellar winds can be derived
from spectroscopic observations of wind lines, and measuring the line quantities (e.g.
line position, line strength, i.e., equivalent width, or line shape).

Two global wind parameters of hot stars, namely vs, and M, are not directly
observable, but can be determined from observations. Wind parameters obtained
from observations are known as empirical or “observed” parameters, and are usually
compared with theoretical (also known as predicted) wind parameters obtained from
the radiation line driven wind theory and hydrodynamic models in order to check
validity of theoretical wind models. However, derivation of global wind parameters
from observation is possible only with the help of stellar photospheric models, which
provide photospheric flux, and if the stratification of the local wind parameters, i.e.,
distribution of the mass density and velocity of the wind, is known.

2 The P-Cygni line profile is named for the Luminous Blue Variable (LBV) P Cygni (HD 193237)
that the line was first observed in.
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2.2 Spectral diagnostics of stellar winds

For the stratification of the local wind parameters, common simplified assump-
tions about the stationarity, spherical symmetry, and homogeneity of the wind (i.e.,
“standard wind model”) are usually used. Under these assumptions, the density p(r)
of the wind follows from the continuity equation (see Eq. 2.5),

M
r)=-———. 2.28
pr) 4mr2o(r) ( )

The velocity distribution of the hot star wind is usually approximated by the so-called

B-lau?, given in the form,
b B
V(1) = Uso <1 - —) : (2.29)

r

where the constant b is given by

b:R*{l— (ﬁ“)l/ﬁ}, (2.30)

and vy, = v(R,) is the velocity at the lower boundary of the wind of the order of the
isothermal speed of sound. The parameter § describes the steepness of the velocity
law, i.e., how fast the velocity of the wind is approaching v.,. In this simple wind
model approach, which is based on analytical description of the wind, additional
information is needed to calculate a synthetic spectrum, including the radiation field
from the photosphere (lower boundary), which can be obtained from a photospheric
model, and the electron temperature of the wind, which is usually assumed to be
equal or somewhat smaller than the effective temperature T, of the star, assuming
that the wind is in radiative equilibrium (Kudritzki and Puls, 2000). Additionally, the
core-halo approximation is assumed, in which the radiation field of the photospheric
radiation (underlying core) is influenced by the wind (halo) of lower density. The
influence of the wind (halo) on the photosphere (core) is usually neglected. The
stellar and wind parameters are determined assuming a smooth transition between
the quasi-hydrostatic photosphere and the wind.

To calculate a synthetic spectrum using the standard wind model, M, vo, and 8
are treated as fitting parameters determined from observations (i.e. spectrum). They
are varied as long as satisfactory agreement with observation is obtained. Even
if these “observed” wind parameters are derived from the observations, they are
actually the result of theoretical modelling.

Spectroscopic diagnostics of hot stars and their winds were developed during the
1980s and 1990s (see reviews by Kudritzki and Hummer, 1990; Kudritzki and Puls,
2000). More sophisticated and precise diagnostic methods use the so-called “unified”
non-LTE model atmosphere, in which stellar and wind parameters are derived simul-

2 Note that this type of dependence was already derived by Milne (1926) and Chandrasekhar
(1934) with 8 = 1/2. Today’s estimates of this value are a bit higher.
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Chapter 2. Hot star winds

taneously and consistently. Current state-of-the-art wind models are based on the
standard wind model assumption, non-LTE, and the radiative equilibrium approxi-
mation. Density and velocity stratification of the wind is derived from hydrodynamic
calculations, or calculated from Eq. 2.28, and Eq. 2.29 assuming a smooth transition
between photosphere and wind. For more about these unified models we refer to
Gabler et al. (1989) and references therein.

To determine stellar wind parameters, the effective temperature, T.¢, and sur-
face gravity, log g, as well as the physical properties of the star such as mass, M,,
photospheric radius, R,, luminosity, L., chemical composition, etc., must be known.
T.x and log g are prerequisites for abundance analysis, and are directly related to the
physical properties of the star.

Depending on which of the global wind parameters we want to determine, a
different part of the spectrum (i.e., different wind diagnostics) should to be used.
Reliability of the estimated global wind parameters may vary depending on the
underlying model used, but also depending on which part of the spectrum is used.
The most commonly used diagnostics for wind parameters determination are: free-
free continuum emission at radio wavelengths, UV resonance-lines, and H, (or IR)
lines. These diagnostics provide properties for different regions of the wind.

Physical properties of stars cannot be directly inferred from observation. There-
fore, to deduce the atmospheric parameters (i.e. stellar and wind parameters), de-
tailed quantitative modelling has to be performed.

2.2.1 Photospheric parameters determination

The photosphere is the region of the stellar atmosphere where the optical contin-
uum is formed?, and is below the sonic point (the point where the flow speed is
equal to the sonic speed). In the 1930s, the first model photospheric calculations
were performed based on very simple assumptions, including radiative and hydrody-
namic equilibrium, plane-parallel stratification, LTE, parametrised opacity, and only
hydrogen and helium as atmospheric consistuents.

Determination of photospheric parameters begins with determination of effective
temperature Tz and surface gravitational acceleration g. One of the widely used
methods to derived T, and log g is a comparison between photometric observations
and models. Since changes of stellar flux with wavelength are characteristic of Ty,
log g, and chemical composition of the star, a measurement of stellar flux at several
wavelength intervals can be used to determine these parameters. A common pro-
cedure for T, determination is to use adopted calibrations of effective temperature
and bolometric correction (for particular spectral type) to determine L, and R.,
and then from de-reddened photometry determine T.g, distance, and spectral type.
Additionally, a comparison with evolutionary tracks in the HRD can provide M,. A

2 This is roughly valid in the case of O and B stars. However, in most Wolf-Rayet (WR) stars the
entire continuum is formed in the wind.

14



2.2 Spectral diagnostics of stellar winds

more accurate Ty determination is to use sophisticated model atmospheres.

In the late 1960s, Auer and Mihalas (1969) developed a new generation of at-
mospheric models using efficient computational techniques (complete linearisation)
for non-LTE model atmosphere calculations (see e.g. Mihalas, 1972; Mihalas et al.,
1975; Kudritzki, 1976; Hubeny, 1988). This generation of models were improved to
include metal opacities and line blanketing (see e.g. Werner, 1988, 1989; Anderson,
1989; Hubeny and Lanz, 1995).

Additionally, an effect called metal line blanketing (effect caused by the presence
of numerous metal lines in the UV region) represents one of the major difficulties
in modelling the atmospheres of these stars. Reliable determination of stellar and
wind parameters of hot stars can be achieved only with fully blanketed non-LTE
models (also known as unified models) for an entire stellar atmosphere, including
the photosphere (quasi-static) and the supersonic wind (see review by Hubeny et al.,
2003).

2.2.2 Terminal velocity determination

The strongest saturated UV P Cygni lines can be used to determine the terminal
velocity by measuring the frequency position of the blue edge of the profile (see,
e.g., Howarth and Prinja, 1989; Prinja et al., 1990; Lamers et al., 1995; Howarth
et al., 1997). Determination of v, although in principle easy, is not straightforward.
Ideally, the blue edge of the P Cygni profile should be sharp. However, often the
blue edges of the absorption trough of strong lines are not well defined, but approach
the continuum more gradually, making the measurement of the position of the blue
edge quite inaccurate. This “softening” is interpreted as an indicator for existence of
some extra velocity field, caused by additional small-scale or large-scale motions. The
small-scale motions are usually referred to as “microturbulence” (see, e.g., Hamann,
1981a,b), and they act as an extra broadening. Thus, the value of v, determined
from the “softened” blue edge of the line profile is overestimated.

An alternative explanation for the generation of “black troughs” (an extended
region in the absorption part of saturated profiles with zero flux), suggested by Lucy
(1982, 1983), is enhanced back-scattering in multiple non-monotonic velocity field.
Detailed UV line formation calculations confirmed this scenario (see, e.g., Puls et al.,
1993).

The main UV diagnostics lines for stars with strong winds and saturated P-Cygni
profiles are Nv, Sitv, C1v, N1v, OvI, and C1il. These profiles can appear below
1000 A, but they are contaminated with interstellar molecular and atomic hydrogen
absorption and are not suitable for the determination of v.,.

When UV spectra are not available, other diagnostics must be used, such as
Balmer lines (H,, Hg, H.,, Hs) and Hel in the optical region. These lines can appear
either as pure emission, pure absorption, or P-Cygni profiles. For pure emission lines,
the line width is related to the wind velocities. To determine v, these lines are fit
with a synthetic spectrum computed from atmospheric models with different terminal
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velocities. The best fit with corresponding v,, provides an indirect measurement of
the terminal velocity.

When a spectroscopic diagnostic is not available (e.g., no UV observations exits),
the terminal velocity can be approximately estimated from the relation between ter-
minal velocity and escape velocity via the CAK force multiplier parameter o (Friend
and Abbott, 1986; Kudritzki et al., 1989). Kudritzki and Puls (2000) provided a more
general relation between v, and ves. with additional corrections. Typically, terminal
velocity of stars hotter than Ty, = 25 kK (T}, denotes the temperature of the bista-
bility jump), is estimated to be vy /Vesc ~ 3. For stars cooler than this temperature,
Vso/Vese ~ 1.5. Below this temperature, stars show systematically larger mass-loss
rates and lower terminal wind velocities than objects above this temperature. The
ratio Ve, /Vesc has a jump (usually refereed to as the “bistability jump”, see, e.g., Paul-
drach and Puls, 1990; Lamers et al., 1995), and is due to a change in the ionization
equilibrium of iron, the most important element for line-driving in the inner wind. At
temperatures higher than Tj, the radiation pressure is due to high-ionization lines
which are mostly optically thick, and for temperatures lower, the radiation pressure
is due to a large number of low-ionization lines which are more optically thin. Near
Tis, winds can exist in two states, either with high mass-loss rates and low v, or low
mass-loss rates and high v,. Recent studies by Crowther et al. (2006) and Markova
and Puls (2008) show that this discontinuity in not actually a real jump, but more
a gradual decrease.

The wind velocity law (assuming the approximation of the -law) is best deter-
mined from strong or saturated UV P Cygni resonance lines. By fitting the synthetic
spectrum to observations, the line strength (and consequently the line opacity) and
shape of the velocity law (v, and () can be determined.

In stars with denser winds, the parameter § can be determined with high precision
from the shape of the emission peak, at the H, line. For OB-type stars, 3 is found to
be in the range § = 0.7—1.5, except for supergiants with somewhat higher values of 8
(see, e.g., Howarth and Prinja, 1989). For stars with thin winds (H, in absorption),
the determination of § from optical spectroscopy is impossible and a value of § =1
is usually adopted. The parameter ( of the velocity law can be also determined
from other optical lines. Since a slower velocity law produces stronger and narrower
central emission peaks, the height and width of the central part of the line profile can
be used to constrain (3, but with certain limitations as H, observations are usually
contaminated by telluric lines or nebular emission and efficient techniques are needed
to properly remove these features.

2.2.3 Mass-loss rates determination

There are two main classes of mass-loss rates diagnostics, the density (p) and density
squared (p?) diagnostics. For instance, line absorption scales linearly with p. The
corresponding opacity is proportional to the number density of absorbing ions. P
Cygni resonance lines, mainly in the UV region, are also a p diagnostic. These
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2.2 Spectral diagnostics of stellar winds

lines are sensitive to the wind density, which is directly related to the mass-loss
rate, i.e. p o< M/(r’vs). Emission lines (such as H, in the optical region) are
typically formed in recombination cascades, and they are p*-dependent, with the
opacity proportional to the product of the ion and electron number densities. Wings
of strong emission lines, created from the frequency redistribution of line photons
by electron-scattering in moving atmosphere, scale linearly with density and have
opacity that is proportional to electron density. Free-free emission processes also
scale with p?.

The most useful diagnostics for mass-loss rate determination ordered by increas-
ing sensitivity are: free-free continuum radio emission; H, line emission; and UV
resonance-line absorption.

Free-free radio emission Excess flux due to free-free emission (bremsstrahlung)
arises when free electrons move in the field of an atom but without being bound.
During this interaction the electron is accelerated, and a photon is absorbed or emit-
ted. From many such interactions, photons are emitted with a continuum spectrum.
The excess flux becomes significant at longer wavelengths due to the A\? dependence
of the cross-section.

Continuum flux measurements at long wavelength regions offer a tool for mass-loss
determination depending only on observable stellar properties. Assuming a spheri-
cally symmetric wind and that the free-free emission may be treated using the LTE
approximation (which is reasonable, since the free-free emission is a collisional pro-
cess), measurement of the radio flux, wind terminal velocity, and the stellar distance
is sufficient for this determination using expressions of Panagia and Felli (1975) or
Wright and Barlow (1975). Therefore, measurements of the mass-loss rates in the
radio region offer an excellent mass-loss rate determination tool, which does not de-
pend on inferred quantities, as is case for other diagnostics. The velocity law can
also be determined. However, to detect intrinsically weak flux from distant objects,
high spatial resolution and instrumental sensitivity are required.

Longer wavelengths sample the outer part of the wind. The processes responsible
for continuum radiation at long wavelengths are o< p?, are sensitive to the density
contrast, and can thus be used as detection for the structure of the stellar winds i.e.
to make an empirical scan for clumps, shocks or anisotropy throughout the entire
wind.

H, diagnostics An alternative mass-loss rate determination is to use the H, line
(transition between levels with quantum numbers 2 and 3 of the hydrogen atom)
which is an indicator of stellar mass-loss. The ionization correction for H, is much
simpler, and the hydrogen abundance is usually much less uncertain. Hydrogen
is completely ionized, and thus the influence of ionization and abundance becomes
almost negligible.

The H, diagnostics are based on emission recombination processes and have a p?
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dependence. High resolution of spectroscopic observations obtained from the ground-
based observatories can determine the shape of these lines precisely. Even very weak,
high velocity emission wings can be used for mass-loss rate determination.

Quantitative analysis of H, lines is more complicated compared to UV P-Cygni
lines as their theoretical prediction requires detailed non-LTE calculations of the
statistical equilibrium to determine the relevant level populations. Klein and Castor
(1978) were the first to compute H, (and Helr) line profiles, compare with obser-
vations, and derive mass-loss rates. This work showed that observed H, emission
strength (for stars with known mass and luminosity) can be used for mass-loss rate
determination. Later mass-loss rates were updated using the same method (Lei-
therer, 1988; Drew, 1990; Lamers and Leitherer, 1993). Puls et al. (1996) presented
a fast approximate method to determine mass-loss rates of O-stars from H, line
profiles.

UV P Cygni resonance lines Hot star wind lines in the UV spectral regions,
typically show characteristic P Cygni profiles which can be saturated (e.g., C1v, Nv
in early O-type stars) or unsaturated (e.g., Sitv, Pv). The shape of these lines
can provide information about the wind velocity law, especially from saturated line
profiles, as explained in Section 2.2.2. However, the density distribution of the wind
cannot be spatially resolved at UV wavelengths. Fortunately, the strength of the
absorption and emission components of the P Cygni profiles can provide information
about the total number of ions present in the wind that are responsible for the
line scattering. Therefore, mass-loss rates can be determined by calculating the
integrated line strength.

Unsaturated UV P Cygni profiles from metal resonance lines are commonly used
for mass-loss determination in hot stars. Estimates of the mass-loss rates by UV
spectroscopy typically uses the Sobolev with Exact Integration (SIE) method (see,
e.g., Lamers et al., 1987; Haser et al., 1998), first suggested by Hamann (1981a). In
this method, for the mass-loss rates determination, additional information is needed
about the ionization structure of the wind, abundance, and the form of the velocity
law. The strength of UV P Cygni profiles is determined by the radial optical depth
of the wind, 7.q M ¢; A, where A, is the abundance of an element e and ¢; is
its ionization fraction. To estimate the mass-loss rate directly, the abundance of the
ion 7 is required. Usually ¢; is not known and its estimate for any resonance line
is possible only with detailed non-LTE modelling. Further, X-rays, blanketing or
blocking effects may lead to incorrect predictions of ¢; (see Pauldrach et al., 1994).
Only for the dominant ion can ¢; be approximated to be ~ 1. Unfortunately, the
lines of most abundant ions (such as C, N, O) are saturated and are not suitable
for reliable determinations of mass-loss rates. Consequently, only UV wind lines
of the ions of a trace elements with small ionization fraction (¢; < 1073) can be
used to measure the product M (qi) (see, e.g., Lamers et al., 1999), where (g;) is a
spatial average of the ion fraction. Some attempts in mass-loss rates determination
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2.2 Spectral diagnostics of stellar winds

have been done by e.g., Howarth and Prinja (1989), who inferred the product M (g;)
from unsaturated profiles of large O-star samples. (g;) was estimated by comparing
the value M (g;) obtained from UV resonance lines with M determined from radio
continuum measurements insensitive to ionization. UV P Cygni resonance lines,
while the most sensitive indicators of mass-loss rates and the best qualitative tracers
of the gas in stellar winds, are not the best estimators of the mass-loss rates. Thus
mass-loss rate determination should better rely on measurements from free-free radio
or H, emission.
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Chapter 3

Stellar Wind Clumping

The winds of hot stars are usually considered to be stationary, smooth, and spheri-
cally symmetric with a monotonic velocity field. These simplifications are generally
suitable for describing overall wind properties. However, to explain some observa-
tional characteristics of hot star winds, the standard assumption about steady and
homogeneous wind is inadequate and needs to be relaxed. For instance, some ob-
servational indications, including non-thermal radio emission (Abbott et al., 1981,
1984b), enhanced thermal infrared emission (Abbott et al., 1984a), UV lines with
variable absorption features, known as ”Discrete Absorption Components” (DACs)
(Lamers et al., 1982), black absorption troughs (Lucy, 1982), and soft X-ray emission
(Harnden et al., 1979; Seward et al., 1979), suggest that hot star winds are actu-
ally inhomogeneous and variable on a range of small and large spatial and temporal
scales (Hamann et al., 2008). One promising theoretical explanation for appear-
ance of many structures in hot star winds is a strong instability in the line-driving
mechanism itself.

Existence of large-scale wind structure can be inferred directly from observed time
variability even in low signal-to-noise (S/N) spectra. These structures can be caused
by a variety of phenomena in the photosphere and wind of hot stars, e.g. convection
(Cantiello et al., 2009), pulsation (e.g. Cranmer et al., 1996), rotation (e.g. Cranmer
and Owocki, 1996), wind-wind collision (e.g. Pittard, 2009) or magnetic fields (e.g.
ud-Doula and Owocki, 2002). Observational evidence of large-scale wind structure
is variable absorption features, known as DACs, observed to propagate bluewards
from the center to the blue edge of unsaturated P-Cygni line profiles of nearly all
O-type stars (Abbott, 1985; Prinja and Howarth, 1986; Hamann et al., 2001). One
possible explanation for DACs is corotating interaction regions (CIRs). A model for
CIRs was first proposed by Mullan (1984), who suggested that DACs are formed in
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Chapter 3. Stellar Wind Clumping

rotating stars when high-density, low-speed wind streams collide with low-density,
high-speed streams (see, e.g., Cranmer and Owocki, 1996).

In addition to observed signatures of large-scale structures in the wind, many
observational phenomena suggest that the winds consist also of a widespread large
number of stochastic structures on various (mainly small) scales, so-called ” clumps’”.
This section is dedicated to these small-scale wind inhomogeneities, i.e. wind clump-
ing, which is theoretically predicted and has been indirectly observed in almost all
hot star winds.

3.1 Theoretical predictions of wind clumping

As described in Chapter 2, hot star winds are understood to be driven by radiative
force which arises due to continuous and line opacities. Lucy and Solomon (1970)
have previously pointed out that the radiation driving force is intrinsically unstable.
To better understand radiation driven instabilities, let us first start with a basic
description of the linear theory of radiation driven instabilities following the review
of Rybicki (1987).

In order to investigate the (linear) stability of physical quantities, such as density,
velocity or the radiative acceleration, these quantities are expressed as a sum of an
unperturbed part and an infinitesimal perturbed part. Substitution of these vari-
ables into the hydrodynamical equations yield the perturbation equations in which
the second and higher order terms are neglected. To find a solution of the set of
these equations, it is usually assumed that typical scale lengths of perturbations
are smaller compared to a typical scale length H of the mean flow (unperturbed
solution), i.e. kH > 1, where k is a wave-number of perturbation. The pertur-
bation in the radiative acceleration is usually expressed in terms of perturbations
in other hydrodynamical variables, namely opacity and radiative flux. The pertur-
bation in opacity is caused by perturbation in thermodynamic variables (density or
temperature perturbations), and in the case of spectral lines, those caused by velocity
perturbations. Since the perturbation in the radiative flux depends non-locally on
the state of the medium (heating, long distance interaction by radiation or non-LTE
effects) this kind of perturbations is more complex. Radiation driven instabilities
can be classified based on the nature of the functional dependence of the opacity and
radiative flux perturbations (see Martens, 1985).

One of the strongest instabilities in hot star winds is due to Doppler shifting of
spectral lines in supersonic winds. This line-shape instability has a higher growth
rate than other instabilities, and therefore dominates the growth of perturbations.
Milne (1926) has previously pointed out that radiation force due to absorption in
spectral lines and transferred momentum causes some elements of the medium to
move faster (since they feel a stronger radiation field) than neighbouring elements.
These different velocities lead to strong instability. Lucy and Solomon (1970) first re-
alised that the line-shape instability can also appear in hot star winds, and suggested
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3.1 Theoretical predictions of wind clumping

that this instability can grow into shocks and heat the gas.

Hearn (1972, 1973) studied analytically the stability of the medium. He analysed
the drift instability (Rayleigh-Taylor type instability, an instability of an interface
between two fluids of different densities, which occurs when the lighter fluid is pushing
the heavier fluid) of vertically propagating sound waves in atmospheres of early-type
stars, and showed that isothermal sound waves can be non-linearly amplified by the
continuum radiation force.

Nelson and Hearn (1978) have demonstrated the existence of a Rayleigh-Taylor
type instability that results from the increase of the radiative force. They suggested
that this instability would grow and break up in small horizontal scale lengths, damp-
ing sound waves. However, Martens (1979) showed that sound waves are not damped,
but that they rapidly grow in the expanding atmospheres of hot stars and can be
strongly amplified, causing density and velocity perturbations or a wave to grow.
While the work of Nelson and Hearn (1978) concentrated only on a Rayleigh-Taylor
instability in the upper photospheric region at the base of the wind, MacGregor et al.
(1979) investigated instability of propagating line driven sound waves in the super-
sonic regions of O and B star winds. They used detailed calculations of the total
radiative acceleration produced by an ensemble of lines to investigate the growth
rates of small-amplitude sound waves in the wind of the O-type star ¢ Pup.

Carlberg (1980) examined the stability of a radiation-driven stellar wind by ap-
plying a first order stability analysis to a physically realistic wind model. He found
three types of instabilities. Both the line-shape and the radiation-driven sound wave
instabilities were shown to propagate purely vertically. A new “gradient” instability
was shown to propagate in both vertical and horizontal directions. He concluded
that the radiation-driven sound wave and gradient instabilities suggest that the flow
would tend to break up into clumps.

In all of the above mentioned treatments of stability analyses, perturbations in
velocity are assumed to occur over a sufficiently small scale (A < Lg, where Lg is
the Sobolev length; see Eq. 2.23) that they remain optically thin and do not affect
the radiation field. The perturbation in line optical depth can be ignored and the
perturbed force is then computed only from the Doppler shift of the line profile. This
treatment is known as the Optically Thin Approximation, which implies that short
wavelength, optically thin perturbations are unstable.

Abbott (1980) investigated wave propagation in line driven winds assuming that
the scale of the perturbations was sufficiently large that they could be treated by
the Sobolev approximation. In Sobolev line-transfer, the force is proportional to
the velocity gradient. In this case the velocity and perturbed force are out of phase
by 7/2, and so no net work is done on the perturbation. Consequently, long wave-
length perturbations are stable. In contrast to works of MacGregor et al. (1979)
and Carlberg (1980) that suggested the perturbations develop and grow, the main
conclusion of Abbott’s work is that perturbations in driving force do not grow, cause
presence of waves, and that the flow stays stable.
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Owocki and Rybicki (1984) and Lucy (1984) demonstrated that these two contra-
dictory results (stable or unstable flow) are due to different assumptions of the length
scale of the perturbations. Therefore, Owocki and Rybicki developed a method that
could treat the full range of possible perturbation scales, first assuming only pure
absorption with no scattering (the effect of scattering later also was included; see
Owocki and Rybicki, 1985). They derived the so-called “bridging law” in which they
introduced the scale length \,, a “bridging length” found to be of the order of Lg.
For kX, > 1, representing short wave-length, optically thin perturbations, they were
able to recover the line-deshadowing instability. In the opposite limit, kA, < 1, rep-
resenting long-wavelength, stable Abbott-waves are recovered. In this approach the
wind is usually very unstable to disturbances on the scale less than Lg (the Sobolev
length).

These findings suggest that perturbations have large growth rates, and any fi-
nite perturbation should quickly become nonlinear, leading to extensive small-scale
structure and variability.

Since initially small perturbations grow into large amplitude velocity waves, non-
linear wind structures arise and develop shocks (Castor, 1987; Owocki et al., 1988).
The nonlinear evolution of the instability by direct numerical simulations were per-
formed by several authors, in one-dimensional (1-D) geometry (Castor, 1991; Feld-
meier, 1995; Runacres and Owocki, 2002) and pseudo two-dimensional (2-D) geom-
etry (Dessart and Owocki, 2003, 2005).

To conclude, the generally accepted origin of clumping in hot star winds is the
radiative-acoustic instability, supported by several numerical simulations (see the
review by Sundqvist et al., 2012b). An alternative explanation using adiabatic fluc-
tuations (Chiueh, 1997) did not attract the attention of researchers. However, recent
interesting idea of the influence of subphotospheric convection (Cantiello et al., 2009)
offers a possibility of the existence of clumps in the part of the wind below the critical
point, where the numerical wind simulations do not predict it (see e.g. Feldmeier,
1995; Runacres and Owocki, 2002). It seems that the most probable clumping sce-
nario consists of multiple clump formation mechanisms. Although there is much
unknown about clump formation, distribution, and clump properties, it is very im-
portant to develop a description of clumping.

3.2 Observational evidence of clumping

Before higher resolution observing technologies, hot star winds appeared smooth.
With the new generation of high S/N detectors, echelle spectrographs with higher
resolution, and large telescopes able to collect stronger signal, it is possible to resolve
many wind structures (mainly on large scales). Therefore, the wind can no longer be
considered smooth. With the new era of satellites (such as the IUE satellite, active
between 1978 and 1995, and FUSE satellite with higher resolution, launched in 1999
and operated until 2007), observing the UV spectral region became possible, greatly
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increasing our knowledge about the nature of hot star winds.

One of the first observational indications that hot star winds are structured was
discovered by Cherepashchuk et al. (1984). Analyzing light curves eclipses of Wolf-
Rayet (WR) star WN5 and O6 components of the binary star V444 Cygni in the
optical, UV, and IR wavelength ranges, Cherepashchuk et al. determined a den-
sity structure of the expanding atmosphere and physical characteristics of the WN5
component. They found that the depth and width of a secondary minimum increase
with wavelength, while the shape of primary minimum changes little from optical to
near-IR wavelengths. This wavelength dependence of the light curve is possible to
explain only if it is assumed that the most of the IR emission arises from free-free
and free-bound processes (which are density squared dependent) in the wind of the
WN5 component, which is supposed to be clumped. Otherwise, if the WN5 wind is
supposed to be smooth, the light curve will not be wavelength dependent. This was
one of the first indirect conclusions that hot star winds are not smooth.

Prinja and Fullerton (1994) investigated observed systematic variability in the
He1 (A 5876 A) P Cygni profile in the wind of the O-supergiant HD 152408. This
variability on a hourly time scale was explained as a consequence of a possible wind
structure that is moving outwards. HeT line variability as a signature of a deeper,
denser wind region with low velocities also suggested similarities to DACs, which are
observed in UV P Cygni profiles of other O-type stars in the higher wind regions.

Small-amplitude Line Profile Variation (LPV) is a more direct evidence of wind
clumping. These variabilities are often detected only with high S/N ~ 100 — 1000
(unlike the large-amplitude LPVs due to large scale wind structure that can be even
identified with low S/N ~ 20). Eversberg et al. (1998) found stochastic variable
structures in the He emission line of { Puppis, which drift with time from the line
centre to the blue and red edges of the line, explained by accelerating wind inho-
mogeneities moving outwards. Lépine and Moffat (1999) performed high-resolution
spectroscopic monitoring of LPVs in the emission lines of nine WR stars. They used
phenomenological descriptions of wind structure such as Discrete Wind Emission
Elements (DWEESs) to simulate LPVs. However, this description of wind structures
was not based on real physical and hydrodynamical properties of the wind. To ex-
plain how wind structure is associated with observed emission LPVs, Dessart and
Owocki (2002a,b) simulated the emission LPVs based on line-driven instability and
used a “patch method” to mimic wind structure. They show that for the model
with an angular patch size of about 3° it is possible to qualitatively reproduce the
fundamental properties of observed LPVs.

Additionally, Markova et al. (2005) investigated the H, LPVs for a large sample of
O-type supergiants by employing the modified Temporal Variance Spectrum (TVS)
analysis (firstly developed for the case of photospheric absorption lines by Fullerton
et al.,, 1996) to account for the effects of wind emission. Markova et al. found
that all stars from the sample show H, LPVs with mean amplitudes between 1 and
4% of the continuum strength. The authors concluded that wind variability is the

25



Chapter 3. Stellar Wind Clumping

dominant source of LPVs and that, even at lower wind densities, where variations
generated by the photosphere are dominant, the wind variability has to be taken into
account. Simulated line profiles using the simple models of coherent or broken shells
uniformly distributed over the wind volume, when compared with the observations,
succeeded to explain properties of the H,, variability for stars with intermediate wind
densities. On the other hand, for stars at lower and higher wind densities Markova
et al. found discrepancies between observed and simulated line profiles (mainly in
the mean amplitude and in the symmetry properties of the TVS) suggesting that it
can be caused by the presence of coherent large-scale structures.

Direct spectroscopic observation of five O-type massive stars of different evo-
lutionary stages (Lépine and Moffat, 2008) suggest that clumpy structures are a
common property and a universal phenomenon of all hot star winds. However, not
all “rapid” line variability can be connected with clumping. For example, the spec-
tral variabilities of three Off supergiants, investigated by De Becker et al. (2009)
using TVS technique, suggest that these variabilities are not caused by clumping,
but are a consequence of large-scale structures. These authors reported that wind
clumping would more probably yield a uniform TVS, in contrast to the structured
one they found.

Electron-scattering wings, seen in the strong emission lines of WR stars, represent
additional evidence of clumping. To explain overestimation of the electron-scattering
wing strenths of WR stars by standard spectra calculations assuming smooth wind,
Hillier (1991) invoked a very simple model of clumping where size, spatial, and
velocity distribution of clumps were defined as free parameters. He described the
density structure of a clumped wind considering that the atmosphere is consisted of
discrete zones (dense spherical shells) with a particular density described by a set
of parameters, i.e. shell-like model. Later, using the blanketed non-LTE radiative
transfer code CMFGEN, Hillier and Miller (1999) performed a detailed analysis of
HD 165763 (a Galactic WR star) and found that overestimation of the strength of
the electron-scattering wings by standard smooth wind models can be explained by
the presence of wind clumping. These authors described clumping with the help of
a volume filling factor, f (see the following Section) assuming f to be 0.1. Using
this way of clump description, Hillier and Miller (1999) succeeded to obtain better
agreement with observed line profiles, i.e. to fit the red wings better, and also
suggested that clumping is the key to explain the high mass-loss rates derived for
WR stars.

Observed X-ray radiation in hot stars represents one more piece of observational
evidence of wind clumping. The first X-ray emission from hot stars was detected with
the EINSTEIN satellite. High-resolution X-ray spectroscopy became possible with X-
ray satellites XMM-NEWTON and CHANDRA. The most widely accepted explanation for
the origin of X-rays is the wind-shock scenario caused by the line-driven instability
(Feldmeier et al., 1997). Detailed investigation of X-ray transport in clumped winds
showed that wind clumping may strongly affect the X-ray line formation (see e.g.,
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Feldmeier et al., 2003; Oskinova et al., 2004; Owocki and Cohen, 2006). Analyzing
the CHANDRA spectra of § Ori A (Miller et al., 2002) and ¢ Pup (Kramer et al., 2003),
it was shown that attenuation of X-rays is smaller than expected in homogeneous
winds, and is suggested to be explained by clumping, which causes lowering of the
effective opacity. Consequently, this implies more symmetric line profiles which are
consistent with observations.

Observed “black troughs” of UV P Cygni line profiles indicate that hot star
winds are clumped. Lucy (1982, 1983) showed that deep absorption trough can-
not be reproduced by a spherically symmetric wind with monotonic velocity. An
extended absorption trough, with zero residual intensity, was proved to indicate a
non-monotonic wind velocity. For more about this clump signature see also Owocki
et al. (1988) and Puls et al. (1993).

Since interpretation of observed spectra is affected by clumping, detailed quanti-
tative spectroscopy of stellar atmospheres provides much more indirect evidence of
wind clumping. Determination of mass-loss rates from observation is also strongly
influenced by clumping. Different mass-loss diagnostics (UV resonance lines, H,
and other recombination line emission, IR and radio continuum emission) of OB-star
winds give different mass-loss rates. The possible way to reconcile these discordances
is to assume that wind is clumped. Many studies have shown that including clump-
ing in non-LTE line profile calculation gives a better agreement with observations
(see Section 3.4).

3.3 Parametric description of clumped medium

1-D simulations indicate that clumps are gaseous regions in the wind with density
higher than in their surroundings, possibly with velocities different from the smooth
wind. Clumps are stochastic inhomogeneities on various spatial and temporal scales.

To study how wind clumping can affect line profile calculations, the key clump
properties that have to be included into radiative transfer calculations are described
below.

3.3.1 Void interclump medium

Because there is no consistent theory of clump formation or direct observation of
wind clumps, the detailed treatment of clumping is usually restricted to using free
parameters describing the properties of clumping. This approach was previously used
for the description of condensations in nebulae by Osterbrock and Flather (1959)
for the case of the Orion nebula, where they assumed void intercondensation (i.e.
interclump) medium and used the size of condensations as the free parameter, since
the observational data available to them could not resolve details. Contemporary
advanced observational techniques able to resolve many details of the nebula made
the usage of the free parameter unnecessary for this particular case. However, for
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stellar winds, direct clump imaging is still not possible.

Void interclump medium is a common assumption for the description of a clumped
wind, whereby all matter is concentrated into clumps, which are distributed in vac-
uum. Such medium can be described by one free parameter, which may be either

the (volume) filling factor

Val

fV: Vwa (31)

a fractional volume which contains material at higher density (referred to as the
filling fraction by Owocki and Cohen, 2006), or the clumping (correction) factor

_ _ _ <pcl> _ i
D= Cc - fcl - <pw> - f\/7 (32)

where (py) and (pq) are the mean densities of the wind and clumps, respectively.
Just one of these two adjustable parameters is sufficient.

Hamann and Koesterke (1998) were the first to use the factor D. D > 1 represents
the density enhancement. Within this description of clumping, the equations need
to be solved only for clumped medium assuming that density of clumps is

pa(r) = D ps(r), (3.3)

where pgy(r) is the density stratification of the smooth wind model with the same
mass-loss rates (i.e. total mass of the wind) as the clumped one. In the radiative
transfer equation, the smooth wind opacity, x(psy (7)), and emissivity, 1(psy (7)), must
be replaced by k.(pe(r)) and n.(pa(r)), respectively, and scaled by the factor fy to
give

ke(r) = fv ke(pa(r)) and ne(r) = fv ne(pa(r)). (3.4)
For any given ray, fy represents the fraction of ray path which crosses clumps (the
rest fraction of the ray path crosses the interclump medium), thus scaling with the
factor fyv needs to be included . In this formulation, for processes that are linear in
density, fyv and D cancel out in the emissivities and opacities in Eq. 3.4. However, for
processes which scale with the square of the density, the emissivities and opacities are
effectively enhanced by the factor D (see Eq. 3.4). This description of the clumped
medium is also known as microclumping (see Section 3.3.3).

As an example, Hamann and Koesterke (1998) showed that the electron-scattering
wings of several WR stars can be reproduced using this model of clumping, obtaining
better agreement with observations. By increasing the clumping factor D, reducing
the mass-loss rates, but keeping the same value of product M+/D, the electron-
scattering wings were reduced, while the strength of strong WR emission lines re-
mained. Using this effect, WR star had a typical volue of D between 4 and 10 (see
also Hillier, 1991, the first to study this effect).

It is more realistic to assume that the parameter defined by (3.1) or (3.2) depends
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on depth. This dependence was predicted by pioneering hydrosimulations of Owocki
et al. (1988). To differentiate between structured and smooth wind emission in the
IR continuum and in the blue wings of the H, line, the structured wind was described
with a radially dependent clumping factor. Hillier and Miller (1999), later introduced
an explicit expression for the depth dependent filling factor (3.1) in the form

F) = fot (1= fexp (-200), (3.5)

Vel

where f, corresponds to fy in (3.1) and v, is the location in the wind where clumping
becomes important. With this parameterised factor f(r), the clumping reduce the
electron-scattering optical depth, and the clumped profiles are generally in better
agreement with observations. This confirmed Hillier’s earlier suggestions that the
electron-scattering wings in standard WR models are overestimated.

Many radiative transfer calculations have used this expression for f(r). Recently,
Bouret et al. (2003, 2005, 2012) used a simple, parametric treatment of wind clumping
in the CMFGEN code (Hillier and Miller, 1998), assuming a void interclump medium
and clumps which are small compared to the photon mean free path. The detailed
implementation of clumping in CMFGEN is discussed by Hillier et al. (2003).

Puls et al. (2006) tried to determine the depth dependence of the filling factor
from observations. Including clumping into their analysis of a sample of 19 Galactic
O-type supergiants/giants, assuming the interclump matter void, they performed a
combined H,, IR, and radio analysis and derived clumping factors normalized to
a certain minimum, usually located in the outermost wind (radio-emitting region).
Their main conclusion states that the innermost region of denser winds is more
strongly clumped than the outermost wind region, while thinner winds have similar
clumping properties in the inner and outer regions.

Najarro et al. (2008) used observations from UV to radio regions of OB stars
to simultaneously constrain the clumping structure throughout the stellar wind. To
investigate radial dependence of clumping in the wind, they introduced a more com-
plicated clumping law (see Eq. 1 in Najarro et al., 2008), whose terms describe some
basic properties of wind clumping (i.e. the maximum degree of clumping reached in
the stellar wind, the velocity of the onset of clumping, the clumping structure in the
outer wind, etc.).

The assumption of void interclump medium simplifies the description of clumping,
however, this is rather unrealistic. Physically, it is more correct to assume that space
between clumps is also filled with some amount of matter.

3.3.2 Dense interclump medium

Abbott et al. (1981) considered a non-void interclump medium, however, it was
abandoned by later studies. Recently, Zsargé et al. (2008) reintroduced the idea of
a dense interclump medium. Their simulations showed that clumped wind models
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that use the classical “volume filling factor” approach (clumps with void interclump
medium) cannot reproduce the observed O VI profile of ¢ Pup. Also, if the interclump
medium is filled by a low density gas, observed features can be reproduced. This
diluted wind component becomes easily ionized by hard radiation produced in wind
shocks. Therefore, the interclump medium contributes to the spectral line profiles of
ions.

Sundqvist et al. (2010, 2011) also studied the effect of a dense interclump medium.
Inclusion of the non-void interclump medium requires an additional free parameter
(denoted by ;. in Sundqvist et al., 2010) relating the interclump density to the clump
density, . = pic/pa. Line saturation is strongly affected by the dense interclump
medium.

3.3.3 Clump properties

Several important properties of clumps must be defined to incorporate clumping
into radiative transfer calculations, including the shape, size, density, and velocity of
clumps.

Two general approaches are typically used. In the so-called “microclumping’
approach, all clumps are assumed to be optically thin. However, this traditionally
used assumption is far from realistic, and therefore must be relaxed. It is more
accurate to assume that clumps can be of “any optical thickness’, i.e., that clumps
can be optically thick in the cores of a resonance lines, while they may remain
optically thin at all other frequencies. This approach is known as “macroclumping”.

Which assumption about optical thickness of clumps will be more suitable to
apply for a particular case depends on the physical properties of medium (the abun-
dance, ionization fraction or cross-section of the involved transition). For more about
these approaches (microclumping vs. macroclumping) we refer to Oskinova et al.
(2007) and Hamann et al. (2008). Below we give a summary of this work.

Microclumping In most radiative transfer calculations, clumps are assumed to be
optically thin, which means that clumps are smaller than the mean free path of
photons. Separation between clumps is assumed to be very small so that the mean
opacity, k, can be used in the radiative transfer equation. This assumption is some-
times referred to as the “microclumping”. The treatment of clumping described in
Section 3.3.1 is in fact microclumping.

In this simple approach, the stellar wind consists of clumps, while the interclump
medium is void and the velocity field remains undisturbed (monotonic), like in a
smooth wind. The density in clumps is enhanced by a factor D compared to a
smooth wind with the same mass-loss rates and fy is given as in Eq. 3.1 and Eq. 3.2.
Microclumping can be easily implemented in non-LTE atmospheric codes.

As explained in Section 3.3.1, the main effect of microclumping is that, for pro-
cesses which are linear in density, the mean opacity of a clumped medium is the
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3.8 Parametric description of clumped medium

same as in the homogeneous case, while for processes which scale with the square of
density, mean opacities and emissivities are enhanced by a factor D (Eq. 3.4). Addi-
tionally, radiative processes depend on the radial stratification of D, but they are not
depend of clump size, geometry or distribution of clumps. The main consequence of
microclumping is a reduction of empirical mass-loss rates. Diagnostics which scale
with the local density squared in the microclumping approach give mass-loss rates
which are lower by a factor of v/D than mass-loss rates assuming no clumping.

Macroclumping It is more natural to assume that clumps may be optically thick
in some frequencies. The mean free path of photons is smaller than the size of the
clumps, both in continua and lines. This situation referred to as “macroclumping’
(Oskinova et al., 2007) or “porosity” (Owocki and Cohen, 2006). In this approxi-
mation, the escape of radiation increases through the porous space between clumps,
leading to a reduction of the effective opacity compared to the opacity obtained in
the microclumping approximation.

In an optically thick clump (macroclumping), photons interact with matter many
times before eventually being destroyed or scattered in the clump, or escaping into
the inter-clump matter. Porosity formalism was first introduced by Shaviv (2001)
(see also Shaviv, 1998, 2000), who pointed out that the atmosphere of 1 Carinae
is inhomogeneous, or “porous”, allowing more radiation to escape. Such an at-
mosphere yields a lower mass-loss rate for the same total luminosity. Feldmeier
et al. (2003) described X-ray line emission from an opaque fragmented stellar wind.
Owocki et al. (2004) then introduced a “porosity length”, h, defined as the ratio of the
clump length scale [ to the volume filling factor fy, h =1/ fy. This porosity model
has been applied by Oskinova et al. (2004, 2006) in synthesizing X-ray line profiles
with a clumpy stellar wind described in the form of radially compressed shell frag-
ments. Good agreement was obtained between synthetic and observed line profiles
for non-magnetic O-type stars. Recently, Sundqvist et al. (2012a) used the porosity
formalism to explain reduction in continuum opacity for the case of optically thick
clumps. The formalism was also applied for the case of bound-free absorption (which
is not directly affected by clumping) of X-rays in hot star winds. This case was also
studed by Hervé et al. (2012), who made a basic comparison of the approximations
by Oskinova et al. (2006) and Owocki and Cohen (2006).

Unlike microclumping, the distribution, size and geometry of the clump are im-
portant in macroclumping, so more parameters are needed to describe the medium.
It is necessary to define clump size, [(r), and an average separation between clumps,
L(r). Using these parameters, an expression for the effective opacity of a macro-
clumped (or porous) medium may be derived. Following the description of Oskinova
et al. (2007), these parameters are related by the volume filling factor as

I 1

S (3.6)

N=p=p
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Chapter 3. Stellar Wind Clumping

The optical depth 7. across a clump can be expressed as

3

Te=kel D = ﬁf% = ke D*P L (3.7)
where k¢ is given in Eq. 3.4, D is the density contrast (Eq. 3.2) and L is the average
clump separation. For L — 0 the clumps become optically thin and the smooth
wind case is approached. The number density of stochastically distributed clumps
can be expressed as n. = L™3 = 1/(D1[3). The effective cross section of the clumps
(i.e., their geometrical cross section) is multiplied by the fraction of photons that is
absorbed when crossing the clump (first derived by Feldmeier et al., 2003), given by

o =11 —e™). (3.8)

The effective opacity kg for a clumped medium in the macroclumping approximation

is
1—e Kke(l —e™ T

Keff = N e = ( D ) = ( - ) = kKt Cracro (3.9)

where k; is opacity of the clumped medium (Eq. 3.4) and Clacro = (1—€77) /7, is the

factor which describes how opacity obtained is changed compared to microclumping.

For the optically thin limit (7. < 1), the microclumping approximation is recovered

and Keg /= kg, which depends on the volume filling factor. In the optically thick case

(Te 2 1), the effective opacity is strongly reduced by the factor Ciacro-

~

Vorosity Most calculations assume an indentical smooth velocity field both inside
and outside clumps. However, hydrodynamical simulations indicate that a non-
monotonic field inside clumps is probably closer to reality. An inhomogeneous ve-
locity field can affect only spectral lines. Owocki (2008) pointed out that for line
transitions, the non-monotonic velocity field (“vorosity”) can be important, and may
also reduce the effective opacity. He determined that the spatial porosity responsible
for continuum absorption is not adequate for full description of the line absorption
which is strongly affected by vorosity (porosity in velocity field). He introduced a
“velocity clumping factor”, defined as a ratio between steepness of velocity inside the
clumps, dv, to the velocity separation of the clumps, Awv.

This generalization was studied in more detail by Sundqvist et al. (2010, 2011),
who described the velocity fields in stochastic wind models as a random perturbation
of the velocity at the starting point of each clump. The jump in velocity in respect
to the local smooth wind value given with § — law (see Eq. 4 in Sundqvist et al.,
2010). Their results also showed that the detailed density structure, the non-void
ICM, and a non-monotonic velocity field improve line fits.

Shape of the clumps Since no 3-D hydrodynamical simulations of the wind are
available, there is no hint to the shape of clumps. In the parametric treatment
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3.4 Influence of clumping on empirical mass-loss rates

using the clumping factor, nothing is explicitly assumed about the clump shape
and sizes. In more detailed calculations, different shapes were assumed, including
shell fragments (Oskinova et al., 2004) and cubes (Muijres et al., 2011). Recently,
Sundqvist et al. (2012a) studied how spherical and radially flattened clumps affect
the X-ray line formation. It is not clear how important the detailed clump shapes is,
but probably more critical is the distribution of clumps due to the stochastic nature
of clumping.

3.4 Influence of clumping on empirical mass-loss rates

One large piece of indirect evidence that hot star winds are not smooth comes from
the fact that there are large discrepancies between mass-loss rates derived from di-
agnostics with different density dependences. Here we list some of the important
studies which show how wind clumping can affect different mass-loss diagnostics and
empirical mass-loss rates determination.

Bouret et al. (2003) performed a detailed analysis of six O-type stars in the
Small Magellanic Cloud (SMC), determining stellar and wind parameters and chem-
ical abundances using non-LTE line-blanketed photospheric (TLUSTY) and wind
(CMFGEN) codes. For three stars in their sample, mass-loss rates were lower by an
order of magnitude or more than predicted from line-driven wind theory. Using a
clumped model described with the volume filling factor and incorporated in the CM-
FGEN code, good match was achieved for the O v A 1371 A line. Bouret et al. (2005)
later conducted a quantitative analysis of two Galactic O4 stars using far-UV spectra
and derived stellar and wind parameters using the same codes as in their previous
work. They could not fit observed lines (such as Ov A 1371 A, Pv AA1118 — 1128
A, and N1v X 1718 A) with the smooth wind model, but matched these lines using
clumped wind models also consistent with H, lines. Bouret et al. derived mass-loss
rates for several O stars which were a factor of 3 to 10 smaller than those obtained
from smooth winds.

Markova et al. (2004) carried out a pure H, profile analysis of 29 Galactic O-
type stars with different luminosity classes in order to study their mass-loss and wind
momenta. Their investigation relied on a method developed by Puls et al. (1996),
which they modified to account for the effects of metal line-blocking/blanketing.
Mass-loss rates derived from H, were compared to those from radio free-free emission
and for seven stars they found a very good agreement. However, for three stars with
H,, in emission, the radio mass-loss rates are lower than those from H, by a factor
of about 2. Puls et al. (2006) combined H,, IR, and radio data of a large number of
Galactic O-stars and determined upper limit of mass-loss rates that are also factors
of about 2 to 4 lower than mass-loss rates obtained earlier from H, diagnostics using
a smooth wind model.

To reconcile results obtained from different diagnostics, Oskinova et al. (2007),
studied resonance and recombination lines assuming statistical distribution of clumps
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Chapter 3. Stellar Wind Clumping

and keeping a monotonic velocity field. These authors proposed that the discrep-
ancies between the mass-loss rates derived from recombination lines and the Pv
resonance doublet can be solved by accounting for macroclumping.

Recently, Sundqvist et al. (2010, 2011) investigated the impact of clumping on
diagnostics of ultraviolet resonance and optical recombination lines, by performing
a multi-diagnostic study of a Cep (O-supergiant). They concluded that resonance
lines are more affected by optically thick clumping than recombination lines. Using
their stochastic wind models, Sundqvist et al. obtained consistent fits by increasing
the clumping in the inner wind. A mass-loss rate they derived was about two times
lower than what was predicted by the line-driven wind theory, but much higher than
the corresponding rate derived when assuming optically thin clumps.

To investigate how the porous nature of the stellar wind might affect X-ray line
attenuation, Owocki and Cohen (2006) assumed that wind material is compressed
into localized, optically thick clumps. This study showed that a porous medium can
reduce the effective absorption of X-rays emitted in an expanding stellar wind. Mass-
loss rate reduction was also found by analyzing X-ray lines of ¢ Pup (Cohen et al.,
2010) and a very early O supergiant HD 93129A (Cohen et al., 2011). Consistent
modelling of X-ray line profile shapes and broadband X-ray spectral energy distri-
bution produced a reduction of mass-loss rates by a factor of 3 to 4 compared to the
standard H, mass-loss rate based on a smooth wind assumption. Porosity had only
a small effect on X-ray line diagnostics in O stars, and therefore these diagnostics
do indeed provide a good method for deriving O star mass-loss rates, insensitive to
clumping.

Unsaturated resonance lines As explained in Section 2, reliable values of ¢; (ion
fraction of the species responsible for a particular wind line) are needed to determine
mass-loss from UV resonance lines (density dependence diagnostics). However, it is
very difficult to estimate ¢; for most observed lines theoretically, or to measure it em-
pirically. Therefore, the deduced mass-loss rates from UV resonance line diagnostics
are poorly constrained. Hence, resent estimates of mass-loss rates for O-type stars
are based on density squared diagnostics, such as H,.

Saturated resonance ultraviolet lines fit theoretical spectra well, but their sensi-
tivity to changes of wind parameters is relatively low. On the other hand, if lines
are not saturated, they become a sensitive diagnostics tool. This happens for reso-
nance lines of less abundant ions like S1v, Sv, Si1v, or P v. The Si1v resonance line
(A 1393.76 A, 1402.77 A) was recently studied by Prinja and Massa (2010), who
established spectroscopic evidence of optically thick clumps in the wind by measur-
ing the ratios of the radial optical depths of the red and blue components of the
Sitv doublets of BO to B5 supergiants (see also Massa et al., 2008). These ratios
have values between 1 and 2. Since they differ from the predicted value of two (a
value that follows from the atomic constants for a smooth wind), this is a signature
of optically thick clumping.
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3.5 Influence of clumping on predicted mass-loss rates

The possible importance of Pv (AX 1117.98 A, 1128.01 A) for mass-loss rates
determination was pointed out by Crowther et al. (2002). In recent studies of O
stars in the Large Magellanic Cloud (LMC) by Crowther et al. (2002) and SMC,
Hillier et al. (2003) found that, to match PV in O supergiant, phosphorus needs to
be underabundant. They have also concluded that a reduction of mass-loss rates
relying on a smooth wind model might be necessary (similar results were obtained
also by Massa et al., 2003).

Analyzing PV lines of 40 Galactic O-type stars, Fullerton et al. (2006) derived
the product (gp)M, where (gpy) is the mean ionization fraction of Pv. Obtained
values were a factor of 10 to 100 lower than values of mass-loss rates obtained from
H, or radio emission diagnostics. Since (gp,) for early and mid O-type stars is
predicted to be ~ 1, estimated mass-loss rates seem to be extremely small that it
would lead to questioning the line-driven wind theory. Therefore, it was assumed
that optical properties of clumps can be different. Fullerton et al. concluded that
either the mass-loss rates determined from P v resonance lines are wrong (which may
be corrected by inclusion of wind clumping) or the abundance of PV is lower.

To test the abundance of P v, Krticka and Kubat (2009) studied the non-LTE
ionization balance of phosphorus in the wind. Using the code of Krticka and Kubat
(2004) they calculated the phosphorus ionization balance both with and without X-
rays, and found that the changes were insignificant. Consequently, the abundance of
P v is not lowered by presence of X-rays, which supports the clumping hypothesis.
Howerver, Waldron and Cassinelli (2010) suggested that XUV radiation may be
important for phosphorus ionization balance. Detailed NLTE calculation (Krticka
and Kubat, 2012, submitted to MNRAS) agree, but the XUV radiation would at the
same time destroy the driving ions of CNO, which would lower the radiation force
and practically lower both the mass-loss rates and terminal velocity.

3.5 Influence of clumping on predicted mass-loss rates

While it is basically known how clumping (treated in the parametric way using the
volume filling factor) influences the empirical determination of mass-loss rate for a
giwen velocity and density structure, for mass-loss rate predictions the situation is
much less clear.

Solution of hydrodynamic equations for given basic stellar parameters (e.g. the
effective temperature T,¢, luminosity L., and radius R,) and radiation at the lower
boundary gives the density p(r) and velocity v(r) structure of the wind. The values
of the mass loss rate M and terminal velocity ve, follow directly from the determined
structure They are typically called the predicted volues.

Up to now, many comparison have been made between the mass-loss rates pre-
dicted by the radiation-driven wind theory and those estimated from observations.
For example, Puls et al. (1996) concluded that there is a systematic discrepancy
between mass-loss rates determined from observations (from radio data and from
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Chapter 3. Stellar Wind Clumping

analysis of H, profiles) and those predicted by the radiation-driven wind theory.
Mass loss rates for O-type stars derived from observations show higher values of
about a factor of 2 from mass-loss rates predicted by the radiation-driven wind the-
ory. One possible explanation for this discrepancy, which increases as a function of
wind density, is an inadequate treatment of “multiple scattering” in radiation driven
wind theory. Using Monte Carlo simulation and taking into account multiple scat-
tering, Abbott and Lucy (1985) obtained a mass-loss of ¢ Pup, which was a factor
of about three higher than without multiple scattering (see also Puls, 1987).

Vink et al. (2000) a developed theoretical mass-loss recipe by Monte Carlo method
in which multiple scatterings are taken into account. Mass-loss rates for OB stars
were calculated for wide range of stellar parameters. These theoretical mass-loss
rates, for a large sample of O stars, showed disagreement with observations. For
B stars, one group of stars’ obtained mass-loss rates were in good agreement with
observations, while another group were not.

Krticka et al. (2008b,a) studied the influence of clumping on predicted values of M
and v, using the stationary hydrodynamic code for non-LTE stellar winds (Krticka
and Kubat, 2004), which consistently calculates the radiative force without using
the parameterization by the CAK parameters k, a, and §. Clumping was treated
in an approximate way (peump = Ce(p) — cf. Eq. 3.2); void interclump medium was
assumed. This modified the opacity and emissivity in a different way for lines and
continua, and consequently the radiative force was modified. Both optically thin and
optically thick clumps were tested.

The results indicated that if clumping starts below the critical point, then the
mass-loss rate increases. If clumping starts above the critical point, then the mass-
loss rate does not change, but the terminal velocity increases. Clumps larger than the
Sobolev length result in a decrease of the mass-loss rate. Clumping also influences the
ionization balance, which has a strong impact on the line force, and consequently
wind acceleration. Muijres et al. (2011) studied the effect of different portions of
clumped and unclumped parts of the wind, as well as different clump sizes (assuming
that clumps are cubes). Using the Monte Carlo wind code of Vink et al. (2000, 2001),
optically thin clumps increase the mass-loss rate, whereas optically thick clumps
decrease it.
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Radiative Transfer in stellar winds

To understand how radiation emerging from the stellar photosphere (static medium)
changes passing through their expanding atmosphere, i.e. wind (moving medium),
radiative transfer in both media has to be solved. The solution of the equation of
radiative transfer in both media serves as a tool to analyse observed spectra to derive
physical properties and kinematics of hot star winds.

Many methods and computer codes for static media are available, but they are
not adequate to treat expanding atmospheres of hot stars. The problem of the trans-
fer of radiation in moving media is more complicated, since the wind is expanding,
and therefore the Doppler shift of the photon frequencies must be taken into account.
Absorption and emission coefficients become angular dependent, and consequently,
these coefficients become anisotropic and the aberration of light may become im-
portant (the latter effect is usually neglected for stellar winds where v/c < 0.01,
see Mihalas et al., 1976). An additional complication is the coupling between angle
and frequency, which makes the angular-frequency mesh very large. This makes a
solution of the scattering problem in moving media computationally expensive.

This chapter is dedicated to the radiative transfer in a moving (expanding)
medium biginning with basic theory and methods typically used for solving this
problem. A description of the radiative transfer in inhomogeneous medium is given
as well as an overview of a method to solve this problem. Finally, the Monte Carlo
method used in the study of the wind clumping is described.

4.1 Basic theory

The main concequence of the atmosphere moving with some velocity is opacities
and emissivities become affected by the velocity field through the Doppler shift. For
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continuum radiation in a moving medium, the static equation of radiative transfer
applies as the change in opacity and emissivity coefficients is negligible within the
region of the Doppler frequency shift. For lines this does not hold because the changes
of opacity due to Doppler shift may be large and become anisotropic.

There are two basic classes of methods (see, e.g., Mihalas and Kunasz, 1986) for
solving the radiative transfer equation in moving medium:

1. The solution in the observer’s frame. The frame of reference in which the ob-
server is at rest with respect to the centre of the star (also called the inertial or
laboratory frame). In this frame, the description of material properties is com-
plicated. Due to the velocity field, the opacities and emissivities are anisotropic
and angle and frequency are coupled making the scattering problems compu-
tationally very expensive. Thus, the solution of the transfer equation in this
frame requires an enormous amount of frequency points to correctly describe
the line profile. This restricts the velocity difference between neighbouring
depth points to be smaller than several times the thermal velocity. At present,
the computational power is high enough that this restriction is not longer valid
(see Mihalas, 1980). The advantage of using this frame is that the partial
differential equations for the radiation intensity are simple and any arbitrary
velocity field (even non-monotonic) can be easily adopted and treated.

2. The solution in the comoving-frame. The comoving-frame moves with the out-
flowing material (also called the local reference frame). The advantage of using
this frame for solving the radiative transfer equation is that the material prop-
erties (opacities and emissivities) are not affected by the velocity field, and
can be treated as in the static case, i.e. no additionally anisotropy is intro-
duced. Cases of both small and large velocity gradients can be solved in the
comoving-frame, but including non-monotonic velocity field is quite compli-
cated. For large velocity gradients, the Sobolev approximation (Sobolev, 1947)
is often used. Algorithms have been developed for both planar and spherical
geometry. However, the transfer equation in the comoving-frame is much more
complicated.

A photon with frequency v,,s, moving in material with velocity v in a direction
k, has a comoving-frame frequency

1
Vemt = Vobs 7Y (1 ——v- k) . (4.1)
c

This represents the frequency at which the photon interacts with matter, i.e. is ab-
sorbed or emitted. From Eq. 4.1, the opacity and emissivity become angle dependent
(anisotropic) even if they are isotropic in the comoving-frame, and light aberration

38



4.1 Basic theory
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FIGURE 4.1: An atom of the medium which is moving with velocity vector v and a
vector of the photon propagation k form an angle 6.

is generated. The direction of the photon k.. is given by following relation,

_yv/etk+ (v - 1)(k:-'v)'v/v2.

et = ~1+k-v/0) (42)

For the non-relativistic case, when v/c < 1 (e.g. winds of hot stars), the relativistic
Lorentz factor v = 1/4/1 — v2/c2 and all v?/c? terms can be neglected, and Eq. 4.1
and Eq. 4.2 are simplified to

1
Vemf = Vobs <1 — =V - k) (43)
c
and L /
+v/c
emf = ———————. 4.4
f 1+ k-v/c (4.4)

Although aberration and advection effects can be important, they are negligible
compared to the Doppler effect. Consequently, we may set kc,r = k.

4.1.1 Observer’s frame

The general time-dependent transfer equation in 3-D in the observer’s frame can be
written as

101
<_% +k- v) ](7'7 k; Vobs) t) = 77(7"; k7 Vobs) t) - X(T7 k7 Vobs, t)I(T’ ka Vobs;, t)a (45)
C

where I(r, k, Vops, t) is the specific intensity of radiation, k is the direction of propaga-
tion of radiation, r is the position vector, vops is the radiation frequency, n(r, k, Vops, )
is the opacity, and x(7, k, Vops, t) is the emissivity of the medium. The radiative
transfer equations in the observer’s frame for static and moving media are the same.
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4.1.2 Comoving-frame

The radiative transfer equation in a moving (expanding) medium is often solved in the
comoving-frame. The main reason for this is that in this frame the only anisotropy
is on an atomic level, which may be often neglected, and opacity and emissivity may
be safely treated as isotropic. There is no need to account for the Doppler shift, and
calculation of photon redistribution within the line becomes easy. However, for direct
comparison with observations, the lines calculated in this frame must be translated
to the rest frame of the star, i.e. to the line of sight of the observer at infinity. Many
complexities of solving the radiative transfer equation in comoving-frame may arise
due to the spatial and temporal variations of the velocity.

To derive the comoving-frame the radiative transfer equation, the Lorentz trans-
formations (i.e. transformation between the inertial- and the comoving-frame) are
used to convert for the specific intensity, opacity and emissivity into the inertial
frame transport equation (see, e.g., Eq. 2.7 in Mihalas, 1980). Transformations are
usually carried out only to order v/c, while higher orders are not needed for the fluid
equations in classical mechanics.

The comoving-frame transfer equation (see Eq. 6.83 in Castor, 2004), neglecting
relativistic effects and aberration (Kens = k), can be written in the following form:

ldl(r,k,ycmf,t)
c dt

1
——k Vv (1 —kk)-Vil(r kv, t) + §k Vo -kI(r k,ven,t)
c c

dI(k, Vemt)
chmfat

1
+k-VI(r k,vems, t) — Ek -V - k Vet
(4.6)

- T](T’, Vemf, t) - X<r7 Vemt, t)l(rv ka Vemf, t)

where Vv is a rate-of-strain tensor of the velocity field, and Vj is a derivative
according to the coordinates of the vector k. The frequency derivative of the intensity
makes the transfer equation Eq. 4.6 more complicated than Eq. 4.5. If we suppose
that v is not so large, the fourth and fifth term of the left hand side may be neglected.
Then, Eq. 4.6 becomes

d](’l"7 k, Vemf t)
d]/cmf (47)
- n(ycmfa t) - X(chfv t)[(Ta ka Vemf t)

1 d](’l’, k, Vemf t)
c dt

1
+k-VI(r k, veme, t) — —k - VU - K Vs
c

4.2 Sobolev’s Approximation

Back in the early 1930s, scientists started to develop theory for the formation of spec-
tral lines in moving media (see, e.g., Beals, 1929, 1930, 1931; Chandrasekhar, 1934;
Gerasimovic, 1933; Wilson, 1934). They tried to solve the radiative transfer equa-
tion in a spherically expanding medium by analytical methods, assuming that the
matter is optically thin, but they were unsuccessful. Subsequently, Sobolev (1947)
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4.2 Sobolev’s Approximation

developed a method which gives an approximate solution of the problem. By intro-
ducing a velocity gradient, the line transfer problem is simplified. Photon escape
and thermalization become dominant processes, and the source function becomes
geometrically localized. Since the Sobolev method is applicable in a medium with
a large velocity gradient, this method is also known as the “supersonic” approxima-
tion. Solution of the transfer problem in Sobolev’s theory is based on calculation of
radiation escape probability. This theory was later refined and extended by Castor
(1970) and Rybicki and Hummer (1978).

If the line-of-sight velocity gradient k- Vv -k in Eq. 4.7 is large, the first term an
the left side of Eq. 4.7 can be neglected, leading to the Sobolev equation (see Eq. 6.85
in Castor, 2004),

d](’l", k:, Vemf t)

chmf

—%k: Vv - k Vet = N(Vemts t) — X (Vemt, 1) L(7, K, Veme, t). (4.8)
This equation can be integrated over a frequency range of a particular line. Depend-
ing on Vo, the comoving photon frequency may decrease in the case of expansion, or
increase in the case of contraction. The total opacity and emissivity at the frequencies
within the line can be assumed to be due to the line alone. The continuum opac-
ity is ignored here, i.e. it is assumed that background continuum is not significant
within the line and only line opacity ky, is taken into account (this was generalized
by Hummer and Rybicki (1985) to include the effect of continuous opacity on the
line formation processes). Then, the total opacity in the Sobolev approximation can
be written as

X(chf) = KL (b(ycmf) (49)

or
U(chf) = KL SL ¢<chf) (410)

where St is the line source function which can be either the Planck function for the
LTE case or it can be calculated by non-LTE models. The line opacity is given by

me? noon
KL = 9t Ju (—l - —l) (4.11)

meC g1 g1

where n; and n, are level populations of the lower and upper level, and ¢; and g,
are statistical weights of the lower and upper level, respectively. f;, is the oscillator
strength.  ¢@(Veme) is the line profile function which is normalized over frequency
J ¢(Vemt)dVems = 1. To find a solution to Eq. 4.8, we introduce a new variable y

defined by
Y= d(Wpe)dWle for  k-Vv-k>0 (4.12)

cmf
Vemf

and

Vemf
y = o)Al for  k-Vv-k <O. (4.13)

—0o0
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Replacing v, with y in Eq. 4.8 we obtain following equation

which can be integrated using the boundary condition I = I, at y = 0. This gives
1(9) = Loome™ ™7 4 51— " ®), (415)

where 7(k) is the so-called Sobolev optical depth,

R, C
k)= —"L° 4.1
k) = e Ve (4.16)

7(k) is a direction-dependent quantity and a measure of the optical thickness of the
resonance zone, where particular photons may be absorbed by the line. If the velocity

gradient is large this zone is very narrow.
If we integrate Eq. 4.8 for 0 < y < 1, we obtain an average intensity over the line,

(k) = leoni(K)B(K) + SL(1 = B(k)), (4.17)

where (k) is the angle-dependent escape probability given as

ol 4.18
Bk) = k) (4.18)
Integration of Eq. 4.17 over all directions gives
- 1
T(6) = 1 § T (R)300) + 511 = ), (119

where (3 is the angular mean of F(k) or the Sobolev escape probability,

1 1 [1—eTH)
ﬁ:Efﬁkdw:EfW. (4.20)

The Sobolev approximation is valid only for large velocity gradients. The steeper
velocity gradient of the medium, the more accurate the method. With the large
velocity gradient, the frequency displacement of the spectral line due to the Doppler
shift is such that the radiative transfer in lines can be solved only locally. Radiation
along a given ray changes only at certain point called the resonance point, where the
Doppler shift is such that material can absorb or emit at frequency v. The Doppler
shifted frequency of the photon v is equal to the frequency of the interaction. The
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resonance condition is defined as

v—1y Av k-v 1y

= = == 4.21
%0} y C c ( )
where v is rest frame frequency and v; = v - k is the line-of-sight velocity.
The Sobolev approximation is applicable when
Al
PO (4.22)
lo Yo

where [ is the typical scale length of the variation of medium, Al is the width of the
medium where absorption can happen (the so-called Sobolev length, Lg), vy, is the
typical thermal velocity of the medium, and vy is the typical velocity of the medium.

4.3 Radiative transfer in inhomogeneous medium

Spectral analysis in many astrophysical branches, including hot star winds, is based
on the assumption that radiation is formed in a homogeneous medium. This assump-
tion is far from realistic, but it is a natural approach as it requires a minimum number
of model parameters to fit observational data. The assumption of homogeneity en-
ables direct and simple incorporation into well-established radiative transfer theory,
however, as the scope and accuracy of observational data have increased, many struc-
tures and observed features (probably caused by inhomogeneities) became impossible
to explain, and the assumption about homogeneity had to be relaxed.

Until recently, the computation of the radiation field was usually performed in 1-
D assuming spherical symmetry and a homogeneous distribution of opacity sources.
In such circumstances, the equation of radiative transfer can be solved analytically.
However, since real astrophysical systems are inhomogeneous and not symmetric, the
equations of radiative transfer can only be solved numerically.

To solve the radiative transfer problem in an inhomogeneous medium, multi-
dimensional radiative transfer is required. In contrast to the 1-D formal radiation
transport equation, which is affected only by conditions along the propagation path,
multi-dimensional radiative transfer requires the state of material be known every-
where in the medium. Thus, all quantities must be specified as functions of (x,y, 2).

One key problem of radiative transfer in inhomogeneous medium is optically re-
solving multi-dimensional structures and the radiation in boundary layers (described
by the optical depth, see, e.g., Auer, 2003). The radiation boundary layers are tran-
sition regions between optically thick and thin regions where computation of the
radiation field is the most difficult. To resolve multi-dimensional structures it is
also important to define relevant scale lengths, including the real physical size of
an object, scale lengths of the structures within the object, the optical mean free
path (gives the frequency dependence of opacity), and the thermalization length
(distance passed by radiation between successive re-emission before converting to
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thermal or kinetic energy). Scattering processes are also crucial for resolving the
multi-dimensional structures.

To resolve the boundary layers optically, as well as small sources of radiation,
to obtain a good resolution of the emergent radiation, the spatial and angular grid
steps must be fine enough. For an irregular distribution of the structures, it is more
convenient to use an adaptive grid which follows the underlying structures of the
medium.

Solution of the radiative transfer problem in clumped hot star winds requires
resolution of inhomogeneities not only geometrically, but also optically. This requires
accounting for all inhomogeneities in velocity and density fields. There are two main
approaches to solve the radiative transfer equation in such medium. One methods
solves the radiative transfer problem in a stochastic medium (see, e.g., Gu et al.,
1995), originally used for solution of radiative transfer problem in turbulent medium
(see, e.g., Thomas, 1960; Traving, 1964, 1980; Auvergne et al., 1973; Gail et al., 1974;
Frisch and Frisch, 1976; Levermore and Pomraning, 1981; Pomraning, 1988). Another
approach is the MCRT method which has been used by many authors and applied
to different astrophysical problems, i.e., the formation of resonance lines in locally
non-monotonic winds (Lucy, 1983), radiation pressure in hot star winds (Abbott and
Lucy, 1985), supernovae (Lucy, 1987), multi-line transfer of Wolf-Rayet winds (Lucy
and Abbott, 1993), line formation in cataclysmic variable winds (Knigge et al., 1995),
the bi-stability jump in the winds of early-type supergiants (Vink et al., 1999), X-
ray line calculations (Oskinova et al., 2004, 2006), Be star disks (Wood et al., 2004;
Carciofi and Bjorkman, 2008), and resonance and recombination line calculation in
hot star winds (Sundqvist et al., 2010, 2011).

Since the MC method has already proved to be a powerful and simple method for
studying radiative transfer in multi-dimensional geometrical problems with irregular
distribution of inhomogeneities, in this thesis we implement this method for studying
the resonance line formations in clumped hot star winds.

4.4 Monte Carlo Method

The Monte Carlo (MC) method a general class of numerical methods for solving a
variety of mathematical and physical problems using various distributions of ran-
dom numbers and probability statistics. For a more detailed description of the MC
method, we refer to the Metropolis and Ulam (1949).

The method uses random numbers generator for a statistical sampling of a quan-
tity from a probability density function to calculate the solution of a problem. Since
the method provides only approximate solutions (like all numerical methods), the
approximation error must be analysed. Accuracy of the MC method depends on the
number of samples taken. The more samples are taken, the more accurate estimate
of a solution. Acquiring an accurate MC method is computationally very expensive.
But since computers are now more efficient and faster, the computation time is not a
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serious limitation for this method any more. This has made the method more widely
used in many branches of science.

One of the advantages of the MC method is that even a complex problem which
cannot be solved analytically, can be easily implemented in a MC algorithm. The
MC techniques can provide a fast approximate solution with a high level of accuracy.
Further, since all the samples in the MC procedure are independent, it makes it an
ideal algorithm for parallel programming. Additionally, if a physical process can
be represented by equations or by probability distributions, then the MC method
can be used to simulate the transport problem, regardless of geometry or physical
complexity.

Thanks to the many advantages of the MC method, solving multi-dimensional
problems (such as radiative transfer through a clumped medium) are more suitable
with MC than with some other methods which are traditionally used. Compared
to “classical” solution methods, like the Feautrier scheme or short characteristics
methods that are extremely time and memory consuming when more than one spa-
tial dimension is require, the MC method allows relatively simple inclusion of wind
inhomogeneities.

Before we introduce the MC method for solving radiative transfer problems and
its application to inhomogeneous hot star winds, let’s start first with some general
definitions of probability theory should be defined.

4.4.1 Basic definitions of probability

An random event has more than one possible outcome with associated probability.
The probability describes the degree of occurrence of a particular event and can be
between 0 and 1. A probability of unity means that an event has only one certain
outcome, while the probability of zero means that an event will not occur.

A random event may be associated with a random wvariable X, which can take
different possible numerical values (x1, s, ...) corresponding to different outcomes
with a certain probability. If a random variable can take only certain discrete values,
then the variable is called a discrete random variable. The probability that the value
x; is chosen is given by p; = P(X = x;), where ¢ = 1,2,.... On the other hand, if a
variable can take any value from a given interval (a,b), then the variable is said to
be a continuous random variable. The set of these probabilities p; forms a probability
distribution of the random variable.

Continuous variables, are sampled from the probability density function (PDF),
p(z). The sampling procedure is an algorithm that produces a sequence of random
variables = € (a, b) such that for any subinterval (a, ) C (a, b), the probability that
the variable is in (a, 3)

B
Pla<o<@)— / ple)de <1 (4.23)
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where p(x) is normalized over the interval x € (a,b) such that

/ p(z)dz = 1. (4.24)

Usually random variables are independent and uniformly distributed on (0, 1), and
can be generated by computer procedures called pseudo-random numbers generators.

The parameter is sampled from the so-called cumulative distribution function
(CDF) which describes the probability F'(zo) that a random variable X with a given
PDF, p(x) will be found at a value less than or equal to xy. This represents the
fundamental principle given in the following form

F(zg) = P(x < x) = /wo p(z)de. (4.25)

xo is obtained by generating a random number &, such that F(zo) = £ and then
applying the inverse integral transform method, i.e., F71(£) = zo. In cases where
the PDF is complicated, an explicit formula for F~!(¢) is sometimes impossible to
find. In such situations, alternative methods, which are more efficient than the
inverse transform method, can be used. One such method is the acceptance-rejection
method (or the von Neumann rejection method, see Press et al., 1992).

Assuming that the random variable x € (a, b) has the PDF p(z) and CDF F(z).
This method aims to find an alternative PDF ¢(z) (known as majorizing function),
such that the function g(x) is greater than p(z) for all x in a given interval, i.e.
p(z) < mg(z), where m > 1 and the ratio p(z)/g(z) is bound by constant m which
corresponds to the maximum of the p(x). Hence, m g(x) represents an envelope
distribution from where sampling is easier from. The basic of acceptance-rejection
algorithm for continuous random variables is to sample two random numbers &; and
& uniformly between 0 and 1. Then, we sample x = (b — a)&; + a from g(z) and
calculate y = mé&s, where x and y are uniformly distributed on (a,b) and (0,m),
respectively. Then, p(x) is calculated, and if p(z) > y, then y is accepted as a value
of x. Otherwise, it is rejected and a new sampling for &; and & is started again.

This method is used in this thesis to distribute clumps within the wind by de-
termining their positions (see Section 5). For generating random numbers the ran2
function (Press et al., 1992) represents a long period uniformly-distributed, pseudo-
random number generator. This generator provides sufficiently fast calculation with
a long sequence of independent random numbers.

4.4.2 Monte Carlo Radiative Transfer

The MC method has been proven ideally suited to solve radiative transfer problems

in complicated situations such as a multi-dimensional system, in moving medium,

for polarized radiation, etc. Currently, this method is widespread in astronomy.
The MC approach is the most promising way for treatment of radiation transfer in
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a clumped stellar wind. “Classical” solution methods for the radiative transfer equa-
tion, like the Feautrier scheme or short characteristics methods, become extremely
time and memory consuming and need very sophisticated solution schemes when we
go to more spatial dimensions than one (e.g., Koré¢dkova and Kubat, 2003, 2005).
This is not the case of MC methods, where the extension to 2-D or 3-D is relatively
simple. These methods also allow simple inclusion of wind inhomogeneities.

Basic definitions A beam of radiation can be characterised by its specific intensity
I, defined as (see Mihalas, 1978)

dE,
L= cos dAdtdvdQ’ (4.26)

where dFE, represents the energy which passes through a surface area dA at angle ¢
in respect to the surface normal, within a solid angle d€2, in time d¢ and frequency
range dv. In MCRT method the energy dFE, represents the photon packet which
is followed during the MC simulation. Usually, the initial total energy is split into
an equal amount of N photon packets that are followed in order to constrain their
statistical properties. These packets are related to the specific intensity. Integrating
the specific intensity I, over all angles gives the flux defined as

I, = /]V cos 6 d€2, dQ = sin# df do. (4.27)

The equation of radiative transfer can be written in the following form,

dr,
dr,

=1,-5, (4.28)
where S, = 1,/x, is the source function, and 7, is the optical depth, defined as

Ty:/x,, di. (4.29)
L

Physically, the optical depth can be explained as the number of photon mean paths
lon over a distance L. The mean free path of the photon is l,, = 1/x, and represents
the mean distance passed by photon between any two interactions. The probability
that photon will not interact within an infinitesimal length dx is given as

plx)=1——=1-yx,dz (4.30)

A distance x passed by photon can be divided to N number of segments dx with the
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probability of no interaction within dz written as

plx) = (1 - X]”Vx)N. (4.31)

For sufficiently large N, the probability becomes

p(r)=¢e ™. (4.32)

Basic concept The basic concept of MCRT method deals with the propagation of
so-called "photon packets” and their interaction with matter within a medium. The
followed photon in the MCRT procedure is not a single particle but a collection of n
photons with the same frequency v and total energy E, = n hv. Henceforth, photon
will mean a packet of photons.

The initial photon position, frequency, direction of the photon propagation, the
point of interaction and new direction after interaction are all sampled from suitable
PDFs. After a photon is created at some initial position 79 = (x¢, %0, 20) at the
surface of the star (the photosphere), it is sent in a randomly chosen initial direction
defined by the angles 6y and ¢g. The angular distribution function for photons
emitted by the unit area of a photosphere follows from the definition of specific
intensity. We release photons uniformly in ¢ and with a PDF o pdp in p (see e.g.,
Lucy, 1983). From Eq. 4.27 and Eq. 4.24 it follows that the PDFs for § and ¢ are

p(n) =24 and p(6) = 5. (4.33)

where p = cosf is a direction cosine. Since photons are sent only upwards, then
0 <u<1. From Eq. 4.25, CDF's for u and ¢ are

Ho ey
Py =2 [ W =g and F@)=5- [Tad -6 @

™

Finally, after applying the inverse method, the angles are

Ho = \/5_1 (4.35)
P = 27y
where & and & are two different random numbers.

The probability that a photon will not interact between 0 and 7 is p(7) = e~
(see Eq. 4.32), defining how far photon will travel. From Eq. 4.25, the CDF is

T

F(r)=P(r < m) = /OTOP(T)dT = /OTO e Tdr=1—-¢", (4.36)

where 0 < F(7) < 1. Finally, after selecting a random number and setting it equal
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to CDF, i.e. F(7)=¢, and inverting it,
0= —In(1 —¢§), (4.37)

where 7y is a randomly chosen optical depth which determines the location of the
photon interaction. The term 1—¢ can be replace by £ (since ¢ is equally distributed
on 0 < ¢ <1 then 1 — ¢ will be also, see Avery and House, 1968 and Caroff et al.,
1972).

During the random walk the photon is moved from one position to another, and
the new photon position is recalculated by

x = 9 + Ly, sind cos ¢
Y = Yo + Lpn sind sin ¢, (4.38)

2 = 29+ Lpy cos ¢

where L, is the total distance between two photon interactions, and r¢ = (¢, Yo, 20)
and r = (z,y, z) are the vectors of the current and the next photon position, respec-
tively. During the walk, the optical depth is accumulated. After every random step,
it is checked whether the current optical depth 7,y is larger than the one randomly
chosen. If not, than the random walk is continued until this occurs or until the
photon exits. If 7, > 79, then the photon interaction happens between the current
and previous photon position.

After the photon interacts, its direction changes. Assuming isotropic scattering,
the new direction is sampled randomly from an isotropic distribution of solid angle
dQ =sinf#dfde¢. From Eq. 4.27 and Eq. 4.24, the PDFs for p and ¢ are

p() = = and p(g) = —. (4.39)

2 2
where —1 < p < 1. From Eq. 4.25, the CDFs for the new p and ¢ after scattering

are
m

1 @
F) =5 [ =& md Fo) -5 [(a0 -6 (4.40)
-1 ™ Jo

Finally, after applying the inverse method, the angles of the new photon direction
after interaction are

p=25—1

P (4.41)

For non-isotropic scattering p(u) and p(¢) are different than Eq. 4.39.
This procedure is repeated until the photon leaves the medium. One photon tra-
jectory represents one MC event and is independent of all other trajectories. The
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photon’s random walk satisfies the definition of a Markov chain?. Once the photon
exits the top of the atmosphere, its frequency and angle of exit are tabulated and
placed into angle and/or frequency bins. The number of bins determines the reso-
lution of the resulting distribution function obtained after photons finish travelling
and all placed into the proper bins. Since MCRT is a stochastic process, the emis-
sion or absorption of the photon is a Poisson process and obtained errors must obey
Poisson statistics. With an infinite number of realizations the MC methods will give
an expectation which has a standard deviation. The accuracy of a MC simulation, is
a function of the number of realizations N and scales with 1/ V/N. In the standard
MC simulation the weight of every sample is the same (w = 1). In some particular
cases it is desirable to adjust the weights in order to reduce computational costs and
to equalize errors i.e. to obtain the same level of the MC noise.

4.5 Monte Carlo test calculation for hot star winds

To study the performance of the MC method in stellar winds, some test calculations
were made using the code developed for the formal solution of the radiative transfer
equation for given velocity, temperature, and density stratification. This task has
already been done by many authors for different astrophysical applications (e.g.
Abbott and Lucy (1985); Whitney (1991); Lucy and Abbott (1993); de Koter et al.
(1997); Vink et al. (1999); Wood et al. (2004) and Kromer and Sim (2009), to name
at least some of them). Nevertheless, to understand the processes more deeply, to
feel how the Monte Carlo procedure works, and to have better control on the code
behavior, we repeated this step.

Toy model The velocity structure v(r) of the wind, is calculated using a [-velocity
law (see Eq. 2.29), the density structure p(r) follows from the continuity equation
(see Eq. 2.5), and temperature 7'(r) was taken as independent of r. Stellar and wind
parameters were taken from Crowther et al. (2006), see Table 4.1.

For depth discretization of the wind we used equidistant spacing in the logarithmic
scale. Density p(r) is taken to be constant within a zone between two depth points,
and equal to the value at the lower radius of the zone. The radial velocity v(r) is
linearly interpolated inside the zone.

We further introduced several crude simplifying assumptions. We assumed that
all electrons in the wind come from hydrogen ionization, and that hydrogen is fully
ionized for the calculation of electron density. The mass of heavier atoms was ne-
glected. The electron density, necessary for calculation of the electron scattering
opacity, can be simply calculated from the total density dividing by a sum of elec-
tron and proton masses. The opacity of the medium consists of only two processes,

2 A Markov chain is a mathematical system, that evolve over the time from one state to another,
and represents a special kind of stochastic process in which the next state of the system depends
only on the present state and not on preceding states.
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line scattering under Sobolev approximation, and electron scattering. Ionization
and excitation state of wind is calculated using LTE approximation with constant
T =3/4 Teg.

Further, we calculated the profiles of H, lines as they would be resonance lines
following the Monte Carlo method, as in Lucy (1983) and Abbott and Lucy (1985).

Monte Carlo radiative transfer The frequency of the newly created photons for
MC calculations is determined from the static hydrogen-helium photosphere, cal-
culated by a non-LTE model atmosphere code using the emergent flux distribution
(Kubét, 2003), with the help of the acceptance-rejection method (see Chapter 4.4.1).
The initial direction of the photon is randomly chosen according Eq. 4.35, and pho-
tons are sent from the stellar surface (R, = 1) outwards.

After its creation, each photon obtains information how far it is allowed to travel
before it undergoes interaction with some particle. This is done by randomly choosing
an optical depth 7 = —1In¢ (see Eq. 4.37). The actual optical depth, which the
photon travels, is calculated by summing the opacity contribution along its path.
This path determines the place of interaction.

We take into account two events which may happen to photon, namely the scat-
tering of free electrons, and the resonance line scattering. While the first process
acts on all photons with any frequency in the same way, the second process requires
the frequency of a photon to be equal to a Doppler shifted frequency of a scattering
atom. If we denote the photon frequency in the observer frame as v, and the fre-
quency of the line transition as e, then the condition that the line scattering may

occur 1s
k-
Uiine = Vobs (1 - v<7ﬂ)) ) (442)
c

where k is a direction of photon propagation, ¢ is the light speed, and 1, corresponds
to the veyr in Eq. 4.3.
For a radial flow the corresponding optical depth is then

me? dv v] 7t e

Tine = m_ecflinena |::U’25 + (1 - N2) ;:| V_(]’ (443>
where p is the cosine of the angle between photon propagation direction and the
radial direction, n, is the lower level number density (in our test case arbitrarily
taken as 9-107? electron density), fine is the line oscillator strength, and m, is the
electron mass. The volue in the parentheses represents the strain rate projected on
the ray direction, k- Vv -k (see Eq. 4.16) in spherical coordinates. The optical depth
is evaluated at the radius where line scattering occurs.

The optical depth of the electron scattering 7. is calculated as

Telse = Me (T>O-e (444)

51



Chapter 4. Radiative Transfer in stellar winds

Name Ty |log g | R. Voo M I}
K] [Ro) | [km/s] | [10-Mg/yr]

HD 14818 | 18500 | 2.40 | 46.1 565 0.55 2.0

HD 13854 | 21500 | 2.55 | 37.4 920 0.85 2.0

HD 115842 | 25500 | 2.85 34.2 1180 2.00 1.5

HD 30614 | 29000 | 3.00 | 26.0 | 1560 5.00 1.5

Table 4.1: Stellar parameters were taken from Crowther et al. (2006).

for all depths. If the total optical depth is
Tline 1 Telsc > Te, (445)

then a photon terminates its travel in the layer where this condition was first fulfilled.

After a scattering (either line or electron), the photon obtains a new direction,
chosen randomly for the case of isotropic scattering as in Eq. 4.41. For line scattering,
a photon obtains a Doppler shifted frequency (in the observer frame)

ke o()”

Vobs,new — Mline (1 - -

and a new optical depth 7. may be randomly chosen again.

If the randomly generated optical depth 7¢ is lower than the total optical depth
along the path travelled by the photon, the latter escapes from the wind region either
back to the stellar surface or towards the observer. We define a frequency grid, which
determines frequency intervals. Each escaping photon is then counted according to
its frequency to the proper frequency interval.

We plot the profiles of the H, line of four OB stars obtained as a result of our
calculation. Stellar and wind parameters are taken from Crowther et al. (2006) (see
Table 4.1). The line has wavelength and oscillator strength corresponding to the
hydrogen H, line. The flux is expressed as relative intensity with respect to local
continuum. These results were previously presented in Surlan and Kubat (2011).

This test calculations confirmed that the new wind method developed is applica-
ble for the problem we want to study.
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FIGURE 4.2: P Cygni line profiles (H,) calculated for four different stars, whose
names are donated above the panels, for the stellar and wind parameters given in

Table 4.1.

53



54



Chapter 5

Description of the method

In this Chapter a method developed to solve the radiative transfer problem trough
the clumped massive, hot star wind, as well as calculation of resonance line profiles
are described. First, the basic assumptions the method is based on, and a general
description of the method and the wind model used are given. Further, the properties
of clumps, interclump medium, and their velocities and opacities are introduced
giving explanation how this properties are incorporated into the wind model. Last,
the developed 3-D MCRT code is described, and some test calculations are shown.

5.1 Basic assumptions

To study the basic effects of clumping on the resonance line formation (both sin-
glets and doublets), a core-halo model is adopted i.e. only the line opacity is taken
into account, while the continuum opacity is neglected (line-free continuum). The
intensity entering the wind from the photosphere is assumed to be constant in fre-
quency and angle (no limb darkening). Only pure scattering is consider. Only pure
Doppler-broadening is allowed and complete redistribution is assumed.

5.2 Radiative transfer solution

To solve the radiative transfer through a clumped wind, first a snapshot of the
clump distribution is generated. Then, using the MC approach (see Sect. 4.4.2) the
photons are followed along their paths. The density and velocity of the wind can be
arbitrarily defined in a 3-D space. To overcome possible geometrical problems and
to make tracing the photon inside the wind as simple as possible, the calculations
are carried out in the comoving frame following the prescriptions by Hamann (1980).
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The Cartesian coordinate system is used with position vector r of the photon
expressed by a set of coordinates (z, y, 2).

The radiative transfer equation is solved in the dimensionless form. In the model,
all quantities are dimensionless. Dimensionless frequency in the observer’s frame

2°P measured relative to the line centre in units of standard Doppler-widths Avp

is introduced (see Eq. 2.17) by
obs v ¢
=(——-1)— 5.1
o= (L) 6.1)

where v; is the line-of-sight velocity (see Eq. 4.21) and v; = Avp(c/1vp). During
the calculations the local comoving frame frequency ™ of the photon (the rest-
frame frequencies of spectral lines) is strictly kept, meaning that the frequency of
the followed photon at a certain coordinate point can be expressed using the scalar
product of the vector of the local macroscopic velocity (v) and the unit vector in the
direction of the photon’s propagation (k),

g = P kv, (5.2)

When the photon exits the wind, z°™f must be transformed into the observer’s frame
by
2P =z L k. w. (5.3)

Note that all velocities are dimensionless and measured in units of v;.

The code is gridless and does not require any symmetry. Instead of using a
predefined grid, an adaptive integration step Ar is introduced. After choosing Ar,
the velocity and opacity of the wind are calculated along the photon path. This
accounts for arbitrary density and velocity inhomogeneities (for a detail description
see Sect. 5.2.2).

5.3 The wind model

A wind model is assumed to consist of both smooth and clumped regions. The
clumped region is comprised of two density components: the tenuous or void inter-
clump medium and the dense clumps. All distances in the wind are expressed in
units of stellar radius. A parameter r. defines where wind clumping sets on. The
region ryi, < r < re, where ry;, is the lower boundary of the wind at the surface of
the star (ryum = 1), represents the smooth region. The region rq < 7 < rpax, where
Tmax 18 the outer boundary of the wind, represents the clumped region (see Fig. 5.1).
Since rq and 1y, are free parameters of the model, wind regions can have arbitrary
size. By properly setting these parameters, the studied wind can be fully clumped
from rpi, (for rg = rmin), totally smooth (in the case when 7o = rpay), or a lower
part of the wind may be smooth and the rest clumped.
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5.8 The wind model

FIGURE 5.1: A schematic view of the wind model. r;, is the lower boundary of
the wind (the surface of the star), . is the onset radius of the wind clumping, 7yax
is the outer boundary of the calculation, and Ar is an integration step. Vectors 7y,
ra, and k are described in Sect. 5.2.2.

5.3.1 Wind velocity

The velocity field in the model calculations can be any arbitrary three-component
velocity. For simplicity, the velocity field is assumed radial and for the underlying
smooth wind we adopt the standard (-velocity law

vlr) = o (1- ﬁ)ﬁ, (5.4)

r

where v(r) = v, is the radial component of the velocity vector, v, is the terminal
wind velocity and b is chosen such that vy, < 1073 v, and is obtained using the
radial velocity of the gas at the photosphere vy, = v(r = rmm),

b = Tmin (1 - (”j;) é) . (5.5)
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The derivative of Eq. 5.4 gives the radial velocity gradient,

dv b
r_ S
Cdr Urﬁr(r—b)’

v (5.6)

which is important for choosing an adequate integration step (see Section 5.5.2).

5.3.2 Wind opacity

A line opacity calculation in a moving medium requires accounting for the Doppler
shift, which leads to opacities that are anisotropic in the observer’s frame. The line
transfer problem in moving media is usually solved assuming the Sobolev approx-
imation (see Section 4.2), which is valid only if the resonance zone (region where
the interaction in a given spectral line can only happen) is very sharp. However, for
clumped media where the velocity field may be non-monotonic, it is more convenient
to assume a resonance zone within which physical quantities are allowed to change.
Therefore the Sobolev approximation is does not adopted here, but the radiative
transfer equation in the comoving frame is solved. Since in this frame the fluid is at
rest, the opacity is isotropic, and the anisotropy is taken into account by the frame
transformation.
For the opacity, the same parametrization as Hamann (1980) is used,
Ko

x(r) = wYI0) q(r) ¢z (5.7)

Voo
where kg is a free parameter of the model corresponding to the line strength and
proportional to the mass-loss rate and abundance of the absorbing ion, ¢(r) reflects
the depth-dependent degree of the ionization of the absorbing ion and for simplicity
is chosen to be ¢(r) = 1 i.e. constant ionization condition. The absorption profile ¢,
for singlet lines is assumed to be Gaussian

r=—F=e", (5.8)

where x is the dimensionless frequency given by Eq. 5.1. The reference velocity
v, is implied to be the Doppler-broadening velocity vp (i.e. v, = vp) including
a contribution from both thermal broadening and microturbulence and is constant
over the whole wind.

In this parametric formalism, the smooth wind opacity x(r) is proportional to
smooth wind density ps,. In the calculations, wind density is not directly calculated,
but the depth-dependent line opacity x(r) which is enough for calculation of the
emergent radiation from the wind.
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5.4 Description of clumping

Based on previous attempt to parametrise properties of the clumped medium (see
Section 3.3), in this section the properties of clump and inter-clump media of the
inhomogeneous wind model are described.

5.4.1 Clump properties

Allowing for an arbitrary optical depth, clumps can be optically thick in the cores of
resonance lines, while they remain optically thin at all other frequencies. Clumps are
assumed to be statistically distributed within the stellar wind. The average clump
separation L(r), measured between their centers, is variable with the distance r from
the star. For simplicity, it was assumed that each clump has the spherical shape
with the volume (47/3)I3, where [ is the radius of the particular clump. The clump
radius varies with the distance from the star, [ = I(r).

The density pg inside the clump at a distance r from the center is assumed to
be higher by a factor D than the smooth wind density ps, at the same radius. The
factor D (density contrast) is the first free parameter of the model and it is assumed
to be either constant (depth independent) or depth dependent.

Depth independent clumping factor The density p. inside the clump at a distance
r from the center for a constant clumping factor is

pei(r) = D psw (1) (5.9)

and D > 1 (see Eq. 3.3). Using L and [, the factor D according to Eq. 3.6 can be
expressed as
_ L)

Z13(r)
In the model, clumps are assumed to be preserved entities. It is assumed that
clumps are accelerated radially and neither split nor merge, but expand as they
move outwards. Therefore, the number of clumps per unit volume n. has to satisfy
the equation of the continuity

(5.10)

(5.11)

For the average clump separation it holds that L = nal/ °. With Eq. 5.11, this can

be expressed as
L(r) = Loy/r?w(r), (5.12)

where Ly is the second free parameter of the model, representing the typical clump
separation in units of the stellar radius, and w(r) = v, /v is the velocity in units of
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the terminal speed. As in Eq. 5.12, the clump radius can be written as

[(r) = lov/ T2 w(r), (5.13)

/3
= Lot/ —— 14
ZO 0 47TD (5 )

follows from Eqs. 5.10 and 5.12. With this procedure, clumps are created whose size
varies with the radial distance (see Fig. 5.2).

The volume filling factor fy is defined as the ratio of the total volume that clumps
occupy (V4) to the whole volume V, (see Eq. 3.1) in which the clumps are distributed
(between r¢ and rypay),

where

Ncl
E Vet
=1

fv=1=1 = , (5.15)

where Vy; = (47/3)I12 is the volume of i-th clump and N is the total number of the
clumps.
The total mass of the wind can be defined as

g = / pen(r) AV = () Ve (5.16)

For the case of a void inter-clump medium, the entire mass of the wind in the clumps
can be written as (using Eq. 5.9)

Nei Nai Ny Ny
My = Z Meli = Z Peli ‘/Cll' =D Zpéw‘/clz =D <psw> Z ‘/::li, (517)
i=1 i=1 i—1 Py

where m,; and pg; are the mass and density of the i-th clump, respectively, and p!
is the value of the smooth wind density at the location of the i-th clump. If the
inter-clump is void,

fr = (5.18)

1
_D Y
consistent with Eq. 3.2.

Depth dependent clumping factor In the case of a depth dependent clumping
factor, Eq. 5.9 can be generalized by allowing the clumping factor D(r) to be depth
dependent,

pa(r) = D(r)psw(r). (5.19)

A simple picture for a varying clumping factor may be derived assuming that clumps,
once created, do not change during their travel downstream in the wind. Conse-
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quently, their volume and density p. do not depend on the radius r. Then, the
clumping factor may be expressed as

D(r) = pszc(lr), (5.20)

where p. gives the density inside clumps at the inner radius 7y, (this is a reference
density inside clumps),
Pcl = D(Tmin)psw(rmin>‘ (521)

Combining Eq. 5.20 and Eq. 5.21, the depth variable clumping factor is defined as

D(r) = D(rmm>%. (5.22)

Since the line opacity x(r) is proportional to pg, (see Eq. 3.2), the depth dependent
clumping factor can be written as

2
D(r) = D(rmin)%, (5.23)
The opacity inside a clump is
Xa(r) = D(r)x(r), (5.24)
and according to Eq. 5.7,
Yo = e (). (5.25)

min  yo

which does not depend on radius r. Practically, this means that the clumps in this
model can be distributed as in the case of the depth independent clumping factor,
and after their distribution the radii of all clumps are set to the value at the reference

depth 7y,
Z(Tmin) = lO \SI Tfninv(zmin) . (526)

5.4.2 Non-void interclump medium

As with the density inside clumps, which is defined by the clumping factor D, the
inter-clump medium density pi. can be defined by the inter-clump factor d. p;. is
assumed to be lower than the smooth wind density ps, (the density of the wind
without any clumping) by d (the third free parameter of the model), which can be
assumed to be either constant or radius dependent.
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Depth independent clumping factor In the case of a depth independent clumping

factor,
pic(r) = dpsw(r); 0<d< 1. (5.27)

For a non-void inter-clump, the total mass of the wind is distributed between clumps
and inter-clump. In this case, the total mass of the wind my, = (ps) Vi can be
expressed as

Nep Nei
My = Mye + mey; = d <psw>(vvv - chl) +D <,Osw> Z ‘/Cli' (528>

i=1 1=1
From Egs. (5.15) and (5.28), it then follows that

1—d
fr=5—g (5.29)

Depth dependent clumping factor For constant clump properties and non-zero
inter-clump density, it is natural to assume that the inter-clump density changes
proportionally to the smooth wind density, i.e. that the inter-clump factor is constant
in the wind and p;.(r) obeys a relation similar to Eq. 5.9,

pic(r) = d pe(r) (5.30)

where d is the depth-independent inter-clump factor taking into account a different
total volume of clumps if all clumps have the radius given by Eq. 5.26. Let Vi
represent the “original” total inter-clump volume for the case of constant clumping
factor D. Then the total mass of the inter-clump medium is thus

mi. = Cipsw Vim (531)

where pg, is the mean density of the smooth wind. Similarly, the total mass of the
inter-clump medium is

Mic = d po(Vie + AV), (5.32)

where AV is the volume freed by lowering the clump radius. Combining Eq. 5.31
and Eq. 5.32 we obtain
~ Vi
d=d—"—.
Vie + AV
The volume AV can be easily calculated, and d is then used as an inter-clump
medium factor (see eq. 5.27).

(5.33)
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FIGURE 5.2: Two-dimensional projection of an example of a realization of our
stochastic 3-D inhomogeneous wind model. Left: Clumps (blue circles) with the
different size distributed around the star (red filled circle). Right: Distribution of
the clumps; the filled red sphere at the center represents the star, while the blue dots
represent the positions of the clump centers.

5.4.3 Clump distribution

The distance r; of the i-th clump from the stellar center is chosen randomly by
r; = (Tmax - rcl)gi + el 1= 17 Ncb (534)

where &; is a random number uniformly distributed between 0 and 1. The clump
positions are determined by employing the von Neumann rejection method (Press
et al., 1992), described in Chapter 4.4.1, setting the probability density distribution
function to the inverse of the f-velocity law (see Eq. 5.4), 1/v,. This reflects the
equation of continuity for the number density of clumps. Consequently, more clumps
are concentrated close to the star (see Fig. 5.2). Clumps are distributed uniformly
and the position vector r; of i-th clump is defined as

r; =1; sinb; cosp; e, + r; sinb; sinp; e, + 1; cosb; e, (5.35)
where 6; and ¢; are randomly chosen with p; = cos6; = (2§ — 1) and ¢; = 27

where &;; and ;5 are two different random numbers (see Eq. 4.41), and e,, e,, e, are
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FIGURE 5.3: Line profiles calculated for the case of clump overlap (the dashed dotted
red line) and no clump overlap (the full blue line). Model parameters (see Section 6)
are rmax = 80, vp = 50, vy = 1000, vyin = 10, 5 =1, and kg = 100.

the unit vectors in Cartesian coordinates. For a given r;, the radius of each clump
l; is determined according to Eq. 5.13. Clumps are either allowed or forbidden to
overlap.

To avoid overlapping clumps, the clump-center coordinates are compared with all
other clumps existing so far (using Pythagorean theorem) at the beginning when the
clumps are set up and after a new clump is created. If any existing clump is closer
to any other clump than the sum of both clump radii, the last clump is rejected and
a new attempt is made. If clump overlapping is allowed, this rejection procedure
is not applied. Differences in the line profiles calculated with and without clump
overlapping are small (see Fig. 5.3).

To determine the total number of clumps and to fulfil the condition of mass
conservation inside the wind, we create clumps one at a time, and when the total
volume of created clumps, reduced by the volume filling factor, is higher than the
total volume of the wind, i.e. if V,/fy > V,,, then the number of created clumps
represents the total number of clumps in our snapshot clump distribution.

If the process of random generation of clump positions using Eq. 5.34 and radii
using Eq. 5.13 allows clump overlapping, D = 1 does not reproduce the smooth
wind, as the density of overlapping clump parts is equal to the sum of the densities
of overlapping clumps. Consequently, holes in the density structure are created, so
that the medium is clumped even for D = 1. This contradicts the intuitive view that
D = 1 means a smooth wind, and we have to understand the definition of f, in a
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generalized manner, which follows from the method of creating clump distribution.

5.4.4 Inhomogeneous velocity in clumps

In the wind model, the velocity of the smooth and the inter-clump medium is assumed
to be monotonic as indicated by Eq. 5.4. However, the velocity inside the clumps is
allowed to deviate from the monotonic wind, and a negative velocity gradient can
consequently appear (see more in the Sect. 5.5). This assumption is based on the
predictions of hydrodynamic wind simulations (e.g. Owocki et al., 1988; Feldmeier
et al., 1997; Runacres and Owocki, 2002), which show that over-dense regions inside
the wind are slower and the interclump medium has approximately the same velocity
as the smooth wind.
The velocity inside the ¢-th clump can be approximated as
T =T

v(r) = vg(rs) — vais(r) o (5.36)

where 7§ is the absolute position of the center of the i-th clump, vz(r¢) is the velocity
determined according to Eq. 5.4 at the position 7{, and the velocity dispersion is
vais(r) = mug(r), where m (0 < m < 1) is the velocity deviation parameter (fourth
free parameter of our model). Eq. 5.36 introduces a negative velocity gradient inside
clumps, while the center of the clump has the same velocity as the smooth wind.
The velocity structure of the model along one particular photon path is shown in
Fig. 5.4.

5.5 Three-dimensional Monte Carlo radiative transfer code

To solve radiative transfer problem in inhomogeneous medium, a 3-D MCRT code
has been developed, which can calculate resonance line profiles. The model does not
use Sobolev approximation, and adopts the comoving frame method.

5.5.1 Creation of a photon

A photon is released from the lower boundary of the wind (surface of the star) and
is followed through the wind until it reaches the outer boundary of the wind or is
scattered back into the photosphere. The photons are uniformly distributed in cos 6
and ¢ over the whole surface area of the star. The position vector of the photon at
the surface of the star (rp;, = 1) is randomly chosen by g, = cos8,, = (2£,1 — 1)
and ¢, = 27&me (see Eq. 4.41; &1 and &, are again two different random numbers),
and it is defined by

T(Tmin = 1, 0, @) = sinb, cos g, e, + sinb,, sinp,, e, + cosb,, e, (5.37)
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F1GURE 5.4: Velocity structure of the wind model along the considered photon path
for the case of a non-monotonic velocity distribution inside clumps.

where 6,, and ¢,, are the angles defining the position of the photon at the surface
of the star with respect to the center of the star. From the lower boundary photons
are released only upwards uniformly in ¢ and with a distribution function oc pdu
in p (see Chapter 4.4.2). The angular distribution function for photons emitted by
the photosphere follows from the definition of flux (see, e.g., Lucy, 1983). Then the
initial vector of photon propagation from the surface of the star is randomly chosen
with = cos by, = /&1 and g, = 27&s (see Eq. 4.35; (&1 and e are two different
random numbers), and it is given by

k(rmin = 1,0k, 0x) = sin b, cos i e, + sinby, sinpy e, + cosby e, (5.38)

where 6 and ¢ are the angles that define the direction of the photon propagation
with respect to the center of the star.

In the MC calculations, frequencies of newly created photons are determined
from the interval defined by the ratio v./vp (as in Hamann, 1981a). The initial
frequencies of photons have values in the interval (i, Zmax) Where

Lmin = — U;.O — Tpand, Lmax — U;.O + Tband s (539)
Up UD
and Tpanq 18 the line width, assumed to be about 4.5 Doppler units (as in Mihalas
et al., 1975).

To determine the initial photon frequency, a photon frequency is randomly se-

lected from the frequency interval (Tyin, Tmax). However, to smooth the frequency
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distribution of photons and to save computing time, we divide the whole frequency in-
terval into Ny, subintervals of equal length, and release the same number of photons
in each subinterval. We choose the photon frequency x° (7)) from the frequency
interval of the n-th (n =1,..., Nyy,) bin, to be equal to the central frequency of the
n-th bin (more photons with the same frequencies), and in the observer’s frame it is
given as

Z'Obs(’l‘min) = (n — 0-5>xbin + Zmin, (540)

n

where ;, is the width of frequency bin (the same for all bins). Using this procedure
we obtain smoother distribution of emergent radiation. To check to which extent
this pre-defined set of frequencies influences finale results (and also to fulfil the wish
of the referee of the paper Surlan et al., 2012b), the frequencies of the photons were
changed to a continuous random variable, i.e., the photon frequencies are randomly
distributed within the bins rather than choosing a single frequency for each bin. In
this case, each photon frequency x%‘?(rmin), is randomly chosen from the frequency
interval (producing more photons with different frequencies), and in the observer’s

frame is given as
IZ]ZS(Tmin) = (n - é-)a:bin + Zmin, (541)

where Tpin = (Tmax — Tmin) /Npin 18 the width of the frequency bin (the same for all
bins) and ¢ is a random number.

Test calculations (see Fig. 5.5) show negligible difference in the line profiles cal-
culated by releasing all photons from the midpoint (the blue dashed-dotted line in
Fig. 5.5) of the frequency bins, or if the photon frequencies are set randomly “inside”
those bins (the red full line in Fig. 5.5). Differences are due to the MC noise.

After a photon obtains its initial frequency, then the frequency is transformed to
the comoving-frame frequency z°™ according to Eq. 5.2 at the lower boundary by

2 (i) = 2% (Prin) — B(Pain) - 0 (Pmin) (5.42)
where k(7yi,) is the initial vector of photon propagation (given by Eq. 5.38), at some
particular position on the surface of the star defined by the vector r;, (given by
Eq. 5.37). v(7Tni) is the initial velocity vector at r,;,. Note that || = rmin-

5.5.2 Optical depth calculation

After its creation, each photon obtains information on how far it is allowed to travel
before it undergoes interaction with some particle. Via a randomly chosen optical
depth 7 = —In¢& (see Eq. 4.37). The actual optical depth, which a photon passes
on its travel, is calculated by summing each opacity contribution along its path.

To account for all inhomogeneities inside the wind in both velocity and density,
adaptive integration steps are used. The photon path is defined by the vector of
photon propagation k, and the photon is followed along its path by stepwise adding
a variable integration step Ar. If the current photon position is 7, then the vector
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FIGURE 5.5: Line profiles calculated by releasing all photons with the frequency
randomly distributed within the bins (the blue dashed-dotted line) or with the fre-
quencies chosen at midpoints of the frequency bins (the red full line). Model param-
eters (see Section 6) are Lo = 0.5, D = 10, kg = 100, rpax = 80, vp = 50, vs = 1000,
Umin = 10, and § = 1.

of the next photon position r, is (see Fig. 5.1)
ro =71 + Ark. (543)

After each integration step the coordinates of the current photon position are recal-
culated. When the photon is followed through the smooth part of the wind, Ar is
set to be greater than 0.1 of the difference between the current photon position and
surface of the star, and smaller than the velocity scale length v(r)/v/, i.e.,

0.1(r1 — rmin) < Ar < o(r)/v/, (5.44)

where v’ is the velocity derivative (see Eq. 5.6). When the photon is in the smooth
region very close to the star, the difference (r; — rpi,) is very small. So as not to
have very small integration steps, we choose Ar = max[1072,0.1(r; — ryin)]. When
the photon is close to the star, Ar is chosen to be equal to 1073. When the photon
is far from the star, Ar is larger. To ensure that the photon does not miss any large
changes in the velocity field, Ar = min[0.1 (71 — 7min), v(r)/?’]. Finally, condition for
choosing integration step for the smooth part of the wind can be written as

Ar = min{max[107%,0.1(r; — rum)], v(r)/v'}. (5.45)
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-10 1o

FiGURE 5.6: The path of one particular photon inside a realization of our clumped
wind with the adaptive integration step. The bigger green sphere represents the
outer boundary, while the red sphere in the center represents the lower boundary of
the wind. Smaller blue balls represent the clumps and black dots denote integration
steps.

When the photon is inside the interclump medium,
Ar =0.31(r), (5.46)

where [(ry) is the radius of the clump at r; (from Eq. 5.13).
For the photon path followed inside the clump, Ar is chosen larger than 0.11(r;)
and smaller than 0.3 /v, i.e.,

0.11(r;) < Ar <0.3 /0. (5.47)

Then, Ar is chosen as a minimum of 0.1/(r;) and 0.3 /¢’ in certain position of the
photon. This adaptive integration step technique ensures that opacity calculation
along the photon path is done properly without any possibility of skipping any inho-
mogeneity inside the wind and that it is fast enough. The illustration of the adaptive
integration step is shown in the Fig. 5.6.

For the optical depth calculation, it is necessary to calculate the opacity. Ac-
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cording to Eq. 5.7, for the opacity calculation at the current position requires v(r)
and the Doppler shifted frequency of the photon at every position of the integration
process. When the photon is traced inside the smooth or inter-clump regions, the
velocity is calculated according to Eq. 5.4. When the photon is traced inside the i-th
clump, the velocity is modified assuming that the velocity decreases there and that
there is some small deviation from the monotonic velocity described with a help of
a free parameter vgis (see Sect. 5.4.4). The wind velocity at the point r; according
to Eq. 5.36 is then
L — T
Li
In the current version of the model, the photon can only experience resonance line
scattering. Along the photon path, the Doppler shifted comoving-frame frequency
of the photon is calculated as

UT(rl) = ’UT(T;;) — Udis

(5.48)

xcmf(m) = xcmf(rl) — k- (v(ry) —v(r)), (5.49)

cmf( Cmf(

where 2™ (ry) and x°™(rs) are the comoving-frame frequency of the photon at the
starting and at the final position of the integration step, respectively, and v(r;) and
v(ry) are velocity vectors of the wind at those positions.

The optical depth between r; and 7y for the actual integration step j is

T = /m x(r)ds (5.50)

1

where s is taken along the path from r; to r5 and is calculated using the trapezoidal
rule. Along the entire path, the optical depth is accumulated (7 = Z;] 7j, where J is
the total number of integration steps before a scattering event happens), and when
T > T¢, then the condition for the photon interaction is fulfilled.

In the case of clump overlap, the opacities of overlapped clumps have to be
properly accounted for. If the photon, once it leaves a clump, is inside another
clump, the next integration step is set to start at the border of the new clump (i.e.
the photon is moved back to the border of the entering clump) and the opacity of
the new clump is also accounted for. In such way, it is ensured that the opacities of
overlapped clumps are properly taken into account.

To check whether the photon is inside any clump and in which one, the following
procedure is implemented. A cube with its centre at the clump centre and with
sides equal to two clump radii is drown. By a separate comparison of individual
coordinates, it is checked if the photon is inside this cube. Such test defined the
cube in the space, so additional test over distance to the clump centre is made. In
the case that the photon is already in the clump, then first it is checked if the photon
is still there. If not then the same procedure described above is again repeated.
This procedure precisely defines in which clump the photon is and consequently to
accurately accounts for the opacity of a particular clump.
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5.5.3 Scattering events

In the winds of hot stars, different atomic processes occur, such as bound-free (bf),
free-free (ff), bound-bound (bb) transitions and scattering of photons by free (Thom-
son limit valid for UV /optical radiation) or bound (Rayleigh scattering) electrons.
All of these processes may contribute to the total opacity and emissivity. Thus, the
total opacity and emissivity for a given frequency v is a sum over the individual
opacities of all contributing processes (see Section 4.5 for the case of electron and
resonance line scattering).

Each time the condition for photon interaction is fulfilled, a random number is
generated. Which kind of process occurs is determined according to the cross-section,
which defines the probability that a particular process can happen. In this work, only
resonance-line scattering is taken into account, so this step may be skipped.

After scattering, the photon obtains a new directionand a new optical depth ¢,
chosen randomly for the case of isotropic scattering (see Eq. 4.41) and a new optical
depth 7¢ is randomly chosen again. For determination of 0, ¢, and 7¢, three different
random numbers are used. Assuming complete redistribution (which is adequate, as
discussed by Mihalas et al., 1976 and Lamers and Castor, 1979), the photon frequency
after scattering is calculated randomly from Gaussian distribution with a mean of
zero and the standard deviation equal to unity (Box and Muller, 1958).

5.5.4 Binning

When exiting the atmosphere each photon may have a different frequency from the
other photons. To reproduce the emergent flux from the wind, all photons that
reach the edge of the wind are collected and put into a proper frequency bin. More
precisely, if [ro| > rpay, then the photon frequency is recalculated to the observer’s
frame frequency (see Eq. 5.3) by

2o =™ L kv, (5.51)
The frequency z°" is checked to determine which frequency bin of the Ny, bins
it belongs (here Ny, is not necessarily the same as in Section 5.5.1), and is added
into the proper frequency bin. The number of bins must be high enough to obtain
satisfactory resolution of emergent profiles. If the photon is scattered back to the
stellar surface (i.e. if |ry| < 7pin), then the photon is not counted and a new photon
is released.

If the photon is out of the frequency interval (Zmyin, Tmax), it is also not counted.
However, if the frequency interval (Zyin, Tmax) 1S broader than the width of the line,
this does not happen.

In this thesis, the emergent photons irrespective of their direction are counted,
while the distant observer sees the 3-D clump configuration from one specific direc-
tion. By averaging over all directions, a mean emergent profile is effectively obtained,
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similar to what would be get by averaging over many different random clump con-
figurations seen from one specific direction.

However, this is only one special case. The photon binning can be done also in
angle, i.e. we can count the emergent photons only from one specific direction. In this
case, photons are placed into (p, ¢) bins of equal solid angle dQ2 = sin § df d¢ = dp d¢.
The number of angular bins is chosen depending on the symmetry of the radiation
source and the medium where radiation interacts. For satisfactory resolution, the
number of bins also has to be enough to resolve the smallest variation within solid
angle. To obtain the emergent radiation from the top of the photosphere in the
spherically symmetric case, the photons are binned in the range 0 < p < 1 and
0< o< 2m.

5.6 Test calculations

To test the newly developed MCRT code, the results of the calculations were com-
pared with results from the MCRT code of Sundqvist et al. (2010) (this comparison
was done during Jon Sundqvist’s visit in Ondfejov, 2010).

First, resonance line profiles obtained from the codes for the smooth wind case
with monotonic velocity field and different values of parameter 3 were compared.
Wind opacities were calculated using the parametrization (see Eq. 5.7) originally
based on Hamann (1981a). As can be seen in Fig. 5.7 and Fig. 5.8, a very good
agreement between calculated line profiles for # = 0.8 and 3 = 2.0, and for different
values of kg and vp are achieved (the opacity parameter and the Doppler-broadening
velocity, respectively — see Section 5.3.2).

To make additional tests, the MCRT code described in this thesis is developed to
use given density and velocity structures of the wind. Using the density and velocity
structures of a snapshot from a one-dimensional (1-D) time-dependent, radiation-
hydrodynamic wind instability simulation computed by Feldmeier et al. (1997), res-
onance line profiles calculated by our codes are again compeared. Results from a
selected subset of models for the smooth and structured wind show almost perfect
agreement between codes, see Fig. 5.9.

Comparing two independent codes producing nearly identical results ensurs that
both codes work correctly.
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Chapter 6

Resonance Line Calculations

In this Chapter, results of the resonance line calculation using the 3-D MCRT code
for inhomogeneous hot star winds are presented.

6.1 Results of the model calculation

The basic effects on line profiles of both single resonance lines and resonance doublets
are investigated by varying different model parameters. Depending on the effect
that is wished to study, some parameters are kept fixed, while others are varied
within considered ranges. The basic model parameters (see Table 6.1) are chosen to
represent a typical O-type star. The varied model parameters (see Table 6.2) have
their default values except for the one whose effect is aimed to be studied. The
impact on the line profiles is shown for weak (yo = 1), intermediate (xo = 10), and
strong (o = 100) lines. If the variation in some model parameter has a similar effect
on all three types of lines, the effect is shown for only the strong line case.

Each of the profiles shown in this thesis were calculated for one random configu-
ration of clumps, corresponding to an observation with a short exposure time relative
to the dynamical time-scale. Additionally, the line profiles represent mean emergent
profiles (see Section 5.5.4). All calculations are performed using 10° photons dis-
tributed over 100 frequency bins, resulting in a signal-to-noise ratio of about 30 per
bin due to Poisson statistics.

6.1.1 The effects of the macroclumping

Since microclumping is not generally justified for the line transfer in the wind, we
consider only the macroclumping approximation. The total number of clumps in
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Chapter 6. Resonance Line Calculations

’ Fixed model parameters ‘ Value ‘
Outer boundary of the wind | 7., =80 R,
Beta parameter 6=1
Velocity at the photosphere | vy, =10kms™?
Terminal velocity Voo = 1000 km s+

Table 6.1: The fixed model parameters.

Varied model Considered Default
parameters range value
Opacity parameter xo=1, 10, 100 100
Clump separation parameter Ly=1,0.7,0.5, 0.2 R, 0.5
Clumping factor D=1,5,10 10
Interclump medium density factor | d=0, 0.1, 0.5, 1 0
Set-up of clumping ra=1.01, 1, 1.3, 2 R, 1
Doppler velocity vp =10, 50, 100kms~! 50
Velocity deviation vais/vp =0, 0.1, 0.2, 1 0

Table 6.2: The varied model parameters to study the influence of their variation on
the resonance line profiles.

one snapshot of the clump distribution can be derived using the parameter Ly (see
Eq. 5.11 and Eq. 5.12) from

Ny = /ncl(r)47rr2d7‘. (6.1)

Tecl

For instance, if 0.2 < Ly < 0.5, then the total number of clumps within the clumped
region is 10° > Ny 2 10%. A larger number of clumps (i.e smaller values of L)
produces a less porous wind. If Ly — 0, the whole wind is filled with many little
clumps and resembles a smooth wind.

In this subsection, all model parameters are set to their default values except for
Xo and Lg, which are varied as in Table 6.2. The main macroclumping effect on the
line profile is the reduction in line strength relative to the smooth wind. In this case,
where it is assumed that clumping starts from the surface of the star (rq = 0), the
variation in the Ly parameter has a strong influence on all three types of lines (see
the left part of Fig. 6.1), as the clumps are optically thick for these lines.

According to Eqgs. 5.13 and 5.14, the radius of the clumps depends on L. For
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Figure 6.1: The effects of macroclumping on the weak

(xo = 1, the upper left panel), intermediate (xo = 10, the
upper right panel), and strong (xo = 100, the lower left
panel) lines. The black dashed lines represent a smooth
wind (Ly — 0) and other lines are calculated for a different
clump separation parameter Lg as indicated in the panels.
Other model parameters have their default value.
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Chapter 6. Resonance Line Calculations

very small Ly, a huge number of clumps with small radii are created, and the clump
contribution to the line opacity is almost the same as in the case of a smooth wind.
There are not many “holes” between the clumps, and the photons cannot easily
escape from the wind. However, for higher values of Lj, fewer clumps with larger
radii exist. Consequently, there are more “holes” in the wind, through which photons
may freely propagate. This leads to lower absorption and weaker lines. Clumping
lowers the effective opacity, to a lesser extent for the outer parts of the wind because
the individual clumps become optically thin there, causing a bump in the blue part

Velocity [km/s]

-1000 -500 0 500 1000
2 , . , , :
Xo=100
16
3 R
2
s 12t S T
g o’
N
©
E o8]
o}
z
4T D=5 o ]
D=10 -~
i SmMooth
0 L : ‘ ‘ :
-1 -0.5 0 0.5 1
Dimensionless frequency
Velocity [km/s]
-1000 -500 0 500 1000
2 — . , , .
Xo=100 ;
x
2
°
[}
N
<
£
[}
z

-1 -0.5 0 0.5 1
Dimensionless frequency

FIGURE 6.2: Effect of variation of the clumping factor D on the strong lines (yo =
100) in the case of overlapping clumps (upper panel) and non-overlapping clumps
(lower panel). The model parameters have their default value (see Table 6.1 and
Table 6.2).
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Chapter 6. Resonance Line Calculations

of the line. On the other hand, a significant part of the wind has approximately
the same wind velocity as the wind terminal velocity. Consequently, despite the
lower effective opacity there is still enough matter to absorb, the photon causing an
absorption dip near v, especially for lower L.

A similar effect of attenuation of the line strength can be obtained by varying
the clumping factor D. In Fig. 6.2, the effect is shown only for the strong line
(xo = 100), since the effects of varying the clumping factor D on line attenuation of
weak and intermediate lines are very similar. The model parameters are again set to
their default values except D. When enhancing the density within clumps relative
to the smooth wind density (i.e. increasing the parameter D), the porosity effect is
more pronounced and the line becomes weaker. When clump overlap is excluded,
the largest filling factor that can be archived is the one for the densest set of spheres
(on the order 0.7). The minimum value of D for which is possible to set distribution
of clumps without overlapping in a reasonable amount of time is D = 3 (see lower
panel of Fig. 6.2). Main reason for that is that clumps are allowed to be put only
to free space, which, although in total quite large, may be formed of parts which are
too small to allow additional clumps to fit there.

For the case of clump overlap, decreasing D to the minimum value (D = 1),
produces a line profile close to the smooth one, but never the same. Even if the
density inside the clumps is equal to the density of the smooth wind density, there
are “holes” in density space and the opacity contribution to the line is smaller even
if the density of the clumps is higher, see the upper panel of Fig. 6.2.

6.1.2 Effects of the non-void inter clump medium

In this section the changes caused by variations in the interclump medium density
parameter d are investigated for different values of opacity parameter xq, while other
model parameters are set to their default values. The space between clumps is filled
with matter of density defined by d (see Eq. 5.27). This matter fills the density
“holes” between the clumps, and the photons are scattered there. This manifests
itself as a strengthening of both the absorption and emission parts of the line profiles
with respect to the model with void interclump medium (see Fig. 6.3). This effect is
most pronounced for strong lines, where, even for a small d, the interclump medium
contributes a lot to the absorption coefficient, making the lines more saturated and
the emission stronger (see the lower panel in Fig. 6.3). For the same value of the
parameter d, strong lines are saturated more than intermediate lines. A proper choice
of d can saturate strong lines but still keep intermediate lines unsaturated (e.g. see
lines for d = 0.1 in the upper right and lower panels of Fig. 6.3).

Assuming that the interclump medium is not void influances the strength of the
line as a whole, particularly effecting the center of the line, where a small absorption
dip appears. Since more clumps are concentrated close to the star, the inner part of
the wind, together with the interclump medium, contribute to the line opacity more
than the outer part of the wind.
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6.1 Results of the model calculation

6.1.3 Effects of velocity dispersion inside clumps

The absorption of an individual clump can be broadened by stochastic (thermal
or micro-turbulent) motions inside the clump, but also by an additional velocity
gradient in the clump as predicted by hydrodynamic simulations (Feldmeier et al.,
1997).

These kinds of line broadening are described in our model by the Doppler-
broadening velocity (vp) and the velocity dispersion within the clumps (vqis), re-
spectively (ses Sect. 5.4.4).

The effect of the Doppler-broadening velocity variation In Fig. 6.4, the effect
of the vp variation is shown. Normalization of the frequency-integrated absorption
coefficient is compensated by changing yo. For a higher value of vp, the line profile
is broader, and both the absorption and emission are stronger. When vp decreases,
the macroclumping effect becomes more pronounced because the clumps are more
optically thick in the line center, leading to a smaller effective optical depth due to
a larger macroclumping effect.
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FiGURE 6.4: The effect of variable Doppler broadening on line profiles represented
by three values of vp and x( as indicated in the figure. Other model parameters have
their default value (Table 6.1 and Table 6.2).
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6.1 Results of the model calculation

The effect of the velocity dispersion variation To study the effect of the velocity
dispersion within the clumps, vp = 20kms™' is fixed and m (see Eq. 5.36) and
Xo (Fig. 6.5) are varied. If the velocity dispersion inside the clumps is higher (i.e.
when increasing the parameter m), the gaps in the velocity field are smaller (more
velocities overlap) and the probability of photon escape is lower. This leads to some
absorption at velocities higher than v,,. However, in the example shown the velocity
gradient inside the clumps does not differ much from the velocity gradient of the
smooth wind except for its sign, thus leaving the optical depth of the individual
clumps roughly the same. Therefore, the “vorosity” has only a small effect on the
total line strength.

When the velocity dispersion is accounted for, the absorption extends to velocities
higher than the terminal velocity v.,. This effect is important for the derivation of
Uso from observations (i.e., see Prinja et al., 1990), and may provide an effective
diagnostic for the possible existence of the velocity dispersion inside the clumps.

6.1.4 Effects of the onset of clumping

To illustrate the effect of variation of the clumping onset radius, now all parameters
of the model are fixed to their default values except for this distance, . The main
effect of the r. variation is the appearance of a strong absorption near the line center
(see Fig. 6.6), which is due to the smooth part of the wind inside r at low expansion
velocity. If clumping starts higher in the wind, the absorption near the line center is
broader, and partly attenuates the emission from the back hemisphere of the wind.
This central absorption dip can therefore be used as a diagnostic for the onset of
clumping above the photosphere.

It is noted that even a very small smooth part of the wind (between r = 1 and
r = 1.01) causes significant central absorption, an effect that should be observable.
As can be seen from the Fig. 6.6, only when r, = 1 does the absorption near the
line center disappear. When the clumped part of the wind is larger (smaller value
of 7¢), the reduction in the line strength is more pronounced. By setting ¢ = Tpax,
the smooth wind is reproduced.

Clumping at the base of the wind Additionally, it is tested how the onset of
clumping, which is not necessarily at the base of the wind, can influence the resonance
line profiles.

For this purpose, it is examined how macroclumping (defined by Lo and D),
non monotonic velocity field (vqis), non void interclump medium (d), and onset of
clumping (o) may influence weak (xo = 0.5), intermediate (xo = 50), and strong
(xo = 500) resonance line profiles. Calculations are performed assuming ~ 10%
clumps inside wind, corresponding to Ly = 0.5 for a wind with » = 10. The clumping
factor is set to D = 10 and the Doppler-broadening velocity is vp = 50kms—!. A
snapshot of the distribution of clumps is shown in Fig. 6.7, upper right panel.
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FIGURE 6.6: The effect of variation in the onset of the clumping r. for the case of
strong lines (xo = 100). The dashed black line represents the smooth wind (ryq =
Tmax ), and other lines are calculated for different r as indicated in the figure. Other
model parameters have their default value (Table 6.1 and Table 6.2).

The first set of line profiles (C1 in Fig. 6.7) is calculated assuming that clumping
starts at the surface of the star (rq = 1) with a void interclump medium (d = 0),
and a monotonic velocity field (vgis = vg). The weak (upper left panel), intermediate
(lower left panel), and strong (lower right panel) lines show strong line strength
reduction compared to the smooth wind (full lines). If the wind is clumped, more
photons can escape through “holes” between clumps. This leads to lower effective
opacities, and, consequently, less absorption. The line strength reduction depends
on the number of clumps in the wind. The absorption dip close to v, is caused by
a lower probability of photon escape through a lower number of velocity “holes”.

In order to investigate how the onset of clumping influences line profiles, a second
set of line profiles (C2 in Fig. 6.7) are calculated assuming that clumping is only above
rq = 1.3. Other model parameters are the same as for the first set of line profile
calculations. A very strong and broad absorption near the line centers appears. Due
to a higher absorption of the smooth part of the wind, in the region 1 < r < rq.
Such a deep absorption is not observed disappears if clumping starts closer to the
wind base (perhaps even from the surface of the star) or if the interclump medium is
sufficiently dense. The weak line nearly reproduces the smooth wind model in this
case. For a small value of yq, the clumps are optically thin, and have a very small
influence on the line profile compared to the smooth wind.

Varying the interclump medium density parameter d creates a significant impact
on line profiles, especially for strong lines. Keeping the same parameters as for
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FIGURE 6.7: Line profiles for weak (upper left panel), medium (lower left panel),
and strong (lower right panel) lines for the clump distribution in the upper right
panel. S — the smooth model; Cn denotes the clumped models — C1 (rq = 1), C2
(ra = 1.3), C3 (ra = 1.3, d = 0.05), C4 (rq = 1.3, d = 0.05, vass = 0.2v5).

the second set of line profile calculation, but choosing d = 0.05, the third set of
line profiles (C3 in Fig. 6.7) are calculated. While the weak line is unaffected, the
intermediate and strong lines show an increase of absorption in the blue edge of the
line and a decrease of absorption near the centre of the line. The degree of line
saturation depends on the interclump medium density. For a particular value of d,
saturation of strong lines and desaturation of the intermediate lines can be achieved.

Taking into account a non-monotonic velocity field, absorption at velocities higher
than v, appears. Setting vgis = 0.2v3 and keeping other model parameters the same
as for the third set of line profiles, we calculated a fourth set of line profiles (C4 in
Fig. 6.7). The higher vg;, the larger is the velocity span of clumps, and, consequently,
there are more velocity overlaps (the “holes” in the velocity field are smaller), and
the probability of photon escape is lower. These results were presented in Surlan
et al. (2012a).
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6.2 Doublet calculation

For the calculation of doublets, the profile ¢, in Eq. (5.7) is assumed to have the
form

1 (e ten 27 4 ) o~(e=duep /2P (6.2)

N3

where dep, is the separation between doublet components. The ratio of line opacities
has a fixed value p = x1/x2, which follows from the atomic line strengths. The zero
point frequency is located in-between the components.

The frequency of the photon after scattering is chosen randomly with a Gaus-
sian distribution in the same way as for singlets. However, if the co-moving frame
frequency of the photon before scattering indicates that it belongs to the blue com-
ponent (2™ > (), the photon is redistributed only within the blue component of
the doublet, and vice versa. In the case when lines overlap, the re-emitted photons
may be redistributed only over the same doublet component in which they were
absorbed, or more realistically, over both doublet components, in the ratio of the
statistical weights of the levels, i.e. 2:1.
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FIGURE 6.8: Effects of macroclumping (poro) on the line profile including ve-
locity dispersion inside clumps (poro+voro) and non-void interclump medium
(poro+voro-+icm). The black dotted line represents the smooth wind, the green
dashed line represents the macroclumping effect, the full red line represents the
macroclumping effect including non-monotonic velocity described inside clumps with
vais = 0.1, and the orange dash-dotted line represents the macroclumping effect in-
cluding non-monotonic velocity and non-void interclump medium. The model pa-
rameters are given in the text.

In Fig. 6.8, one example of a strong doublet with dg, = 2000 km s~ and x = 500
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6.2 Doublet calculation

is presented. The different effects on the line profile by changing the properties of
the clumps, which are analogous to the single-line case are demonstrateed. The main
effect of macroclumping is a reduction in the line strength. If the velocity dispersion
inside clumps is taken into account, there is some absorption at velocities higher
than v,,. Only in the case of non-void interclump medium it is possible to saturate
the line.
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Chapter 7

Comparison with observations

To compare the MCRT calculations with observations, first the P v resonance doublet
for a few Galactic O4-O7 type stars is fitted to check the validity of mass-loss rates
derived from H, diagnostics.

Modeling H, wind lines is not an easy task, as their strengths are influenced by
photospheric-wind coupling. To verify the mass-loss rates derived from H, lines,
radio continuum and UV resonance lines diagnostics can be used. The P v doublet
AA1118, 1128 A is useful for this purpose. Theory predicts that P v is the dominant
ion in the wind of O4-O7 type stars, and then it can be assumed that ionisation
fraction of the Pv ion, gpy &~ 1 (also concluded from observations). Thus, the
product Mgp (see Section 2.2.3) is expected to agree with mass-loss rates obtained
from radio (Mradio) and H, (M 1., ) diagnostics. However, as shown by e.g., Fullerton
et al. (2006), Mq(P V) is smaller by a median factor of ~20 than Mg, and My, .
This means that mass-loss rates of O4-O7 type stars obtained from the H, diagnostic,
assuming a smooth wind, are overestimated and must be reduced by factor of ~ 20.
Lowering these mass-loss rates would have major consequences for massive, hot star
evolution and the feedback that these stars provide to their interstellar environment.

One of the possible ways to explain such a large discrepancy between different
diagnostics is to relax the commonly used assumption that the wind is smooth, and
instead consider that the hot star wind is clumped (see Chapter 3). In the limit of
optically thin clumps (the microclumping approach, see Section 3.3.3), any density
squared diagnostics (such as H,), assuming a smooth wind model, are reduced by
a factor of v/D. The overestimation of derived mass-loss rates from H, lines has
been shown by many authors (see e.g., Hillier and Miller, 1998; Hillier et al., 2003;
Crowther et al., 2002; Bouret et al., 2003, 2005).

Assuming the macroclumping approach (using the macroclumping factor Cracro
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—see Eq. 3.9), Oskinova et al. (2007) found that the discrepancy between the H, and
P v diagnostic, reported by Fullerton et al. (2006) can be resolved by introducing
macroclumping in this parametric way, i.e. assuming that wind is clumped and
allowing clumps to have any optical depth. This authors showed that the optically
thin H, line is not affected by wind porosity, while the P v resonance doublets become
significantly weaker when macroclumping is added. This leads to the conclusion that
mass-loss rates derived from density square diagnostics are actually correct, and do
not needed to be reduced. Assuming the wind is clumped, both diagnostics result in
the same mass-loss rate, i.e. the recombination (H,) and resonance (UV) lines can
be simultaneously fit with observations with satisfactory agreement.

Following the conclusions of Oskinova et al. (2007), the detailed 3-D treatment
of clumping is used to show how wind clumping with certain properties can affect
line strength reduction of the P v UV resonance lines without a need to reduce mass-
loss rates. For this purpose, several Galactic O4-O7 type stars with a theoretically
predicted and empirically estimated value of gpy &~ 1 is selected. The list of stars
from the sample together with stellar and wind parameters taken from Fullerton et al.
(2006) are listed in Table 7.2. To calculate the P v resonance doublets of each star,
the opacity parameter is needed. This parameter can be calculated if the mass-loss
rate of the star and abundance of the element is known.

7.1 Parametric line opacity for a given mass-loss rate

Mass-loss rates (see Eq. 2.5) follows from the equation of mass continuity for a
homogeneous, stationary, spherically symmetric wind (see Eq. 2.1). Let us consider
a resonance line of the ion j of the element with an atomic number i. Let the mass of
the particle of the element ¢ be m,;, and its abundance by weight (mass fraction) be
X;. Then, if n;,;(r) and n;(r) represent the number density of the ion and its parent
element, respectively, they are connected via

ng(r) = ¢ (r)na(r), (7.1)

where ¢;; is the ionization fraction of the ion j. The number density of the element
1 can be expressed as
B Aymy

p(r), (7.2)

where A; is atomic weight of the element 7 and my is atomic mass of the hydrogen.
Combining equations (2.5), (7.1), and (7.2) we obtain

n;(r)

X, M
A;my drr2o(r)

nji(r) = qji(r) (7.3)

92



7.1 Parametric line opacity for a given mass-loss rate

The line opacity for the case of pure scattering is

we?

XL(rv) = — frunii(r)o(v), (7.4)

(S
where f;, is the oscillator strength of the transition between levels | < u, ng;(r)
is the occupation number of the lower level [ of this transition, e is the elementary
charge, m, is the mass of electron, and c is the speed of light. The Doppler profile is

assumed to be as
1 1 _(v—l'o)2

= — e b | 7.5
ﬁAVD ( )
where Avp = vgup/c = vp/Ag is the Doppler width, 1 is line-centre frequency,

Ao = ¢/ is the line-centre wavelength of considered transition, and vp is the thermal
velocity. The profile function (7.5) is normalized to unity,

¢(v)

/000 o(v)dv = 1. (7.6)

Using the dimensionless frequency

vV —1)
= 7.7
Ly o (7.7)
the opacity (7.4) can be expressed as
7'('62 )\0
X(h 'T) - mecfl,unl,i(r)gqﬁ(l‘)a (78)
where
8(r) = e (7.9
=7 , .
which is again normalized to unity,
/ o(r)dr = 1.
The frequency integrated line opacity can be expressed as
me? Ao
) = T frami(r) (710

Assuming that all ions j are in the state [, i.e. n;; = n;;, we can combine (7.3) and
(7.10) to yield '
e’ X M Ao

Yi(r) = m—ecfl,qu,i(T)AimH 4rr?o(r) vp

(7.11)
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The opacity parametrisation of Hamann (1980) is recalled

X0
Xe(r) = 557 %), (7.12)
RZ veo

where Yq is a “line strength parameter”. Assuming this parameter is expressed in
units of B!, Eq. 7.11 and Eq. 7.12 give

7T€2 /\0 M Xz
Xo = fz,u .
MeC” " UpUs 4T R, A;mn;

(7.13)

This equation can calculate the parametric opacity for a given mass-loss rate and
abundance of the element.

7.2 Comparison with observations

Using Eq. 7.13 the opacity parameter xo for each star from the sample (see the
last column of Table 7.2) is calculated . Constants and atomic data used for this
purpose are listed in Table 7.1. Stellar (R, and v sini) and wind (log My, Ve
and ) parameters are given in Table 7.2. The line profiles are calculated assuming
the smooth wind model with vp = 20kms™" (see the blue full lines with crosses
in Fig. 7.3, Fig. 7.1, and Fig. 7.2). There are large discordances between synthetic
and observed line profiles. To achieve a satisfactory fit with observation, namely the
strengths of the doublets components, the opacity parameter (i.e. mass-loss rates,
Yo o M ) we reduced and line profiles are again calculated assuming the smooth
wind. All profiles are corrected by rotational velocities using WRplot and moved in
the frequency space to obtained the best fit. The best agreement with observations
is obtained if we reduce xo by 20 times. This leads to the conclusion that derived
mass-loss rates from H,, diagnostics must also be reduced by the factor of 20 (similar
results also were obtained by Fullerton et al., 2006).

] Constant \ Value ‘
Cross-section of the classical oscillator me?(mec) ™t = 0.0265 [cm? s
Oscillator strength for blue component of PV | fi 4 bive =2 fiurea = 0.473
Wavelength Apy=1117.979 - 1078 [cm)]
Mass fraction Xpy =5.87-1076
Atomic weight Apy =31
Atomic mass of hydrogen my=1.67-107%[g]

Table 7.1: The data and constant used for the opacity parameter x, calculations.
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Star Spectral R, v sini Voo log My, | B X0
Type | [Mg] | [kms™'] | [kms™'] | [Mg/y1]
HD 66811 04 I(n)f 194 220 2250 -5.06 0.9 | 1130.27
HD 190429A | O4 If+ 20.8 105 2300 -4.85 | 0.7 1672.54
HD 14947 O5 If+ 16.8 133 2350 -5.07 | 1.0 | 1221.67
HD 210839 06 I(n)fp 21.1 219 2250 -5.16 0.7 | 821.58
HD 34656 O7 II(f) 24.1 91 2150 -5.62 1.2 | 251.44

Table 7.2: Stellar and wind parameters of Galactic O-star sample from Fullerton
et al. (2006).

’ Model parameters ‘ Value
Outer boundary of the wind Tmin = 1
Outer boundary of the wind Tmax = 10
Clump separation parameter Ly=0.5
Clumping factor D =10,400
Interclump medium density factor | d=0.05
Set-up of clumping ra=1
Velocity deviation Vais/vg = 0.1
Velocity at the photosphere Umin = 10 [km s_l]
Doppler velocity vp =20 [kms™!]

Table 7.3: The model parameters used to fit the observed P v lines of all Galactic
O-stars from our sample.

The question is, whether it is necessary to reduce mass-loss rates, or if the mass-
loss rates obtained from H, diagnostics can be kept and make the wind clumping
to see what the profile looks like. Oskinova et al. (2007) used a similar procedure.
Assuming the same mass-loss rates, the authors simultaneously fit H, and PV line
profiles using a “standard” clumping factor of D = 10, corresponding to a filling
factor fy = 0.1. Following this idea, D is setted to D = 10, and a void interclump
medium and a monotonic velocity field are assumed and a drastic reduction of line
strengths is obtained. However, the fit is not good enough (see the full purple lines
in Fig. 7.3, Fig. 7.1, and Fig. 7.2). There are more emission in both components
of PV which suggest that some more amount of matter should be presented in the
wind to achieve better fit. Thus the interclump medium is setted to d = 0.05 and
vgis = 0.1 v. Filling the interclump medium with some matter, the line profiles near
the rest wavelength fit better, but the deep absorption at the edges of the blue part
of the profiles remain (see the full green lines in Fig. 7.3, Fig. 7.1, and Fig. 7.2). To
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reduce the opacity in the outer wind and therefore reduce the blue “troughs”, the
parameter D is increased until good fit also at the blue edges of the line profiles is
succeed to obtain. Model parameters used in the calculations are given in Table 7.3.

The best agreement is found for all the stars from the sample with D = 400 (see
the full red lines in Fig. 7.3, Fig. 7.1, and Fig. 7.2). Square root of D corresponds to
the factor of 20, i.e v/400 = 20, the value obtained by Fullerton et al. (2006) in their
analisis of O4-O7 type stars, to make M 11, consistent with Mop..

With such a high D, a large number of small and dense clumps are created and
significantly reduce the probability for photon interaction, the total opacity is also
reduced even in the outer part of the wind that becomes transparent for photons,
and deep blue “troughs” disappear in all line profiles. The solution of the problem
of high parameter D is to assume that D (and d) is depth dependent.

This first comparison with observations show that the winds of the stars from the
sample are clumped, and that with appropriate adjustment of clumping parameters it
is possible to fit the strength of the P v resonance lines assuming the same mass-loss
rates obtained from H, diagnostics.

From the comparison performed here, it can be conclude that macroclumping
affects UV resonance lines (p-diagnostics), contrary to the results of Fullerton et al.
(2006). Further tests are needed to check H, line profiles with clumping as well as
radio continuum with clumping to resolve the discrepancy between H, and radio
mass-loss rates mentioned briefly in Fullerton et al. (2006).
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FiGure 7.1: Comparison of FUSE observations with theoretical line profiles for
stars HD 190429A and HD 14947. Black — observations; blue — smooth wind models;
Purple — clumped winds with D = 10 and void interlump medium and monotonic
velocity; green — clumped winds with D = 10 and with d = 0.05 and vgis = 0.1 vg;
red — clumped winds with D = 400 and with d = 0.05 and vgis = 0.1 vg. Other model
parameters are given in Table 7.3.
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Ficure 7.2: Comparison of FUSE observations with theoretical line profiles for
stars HD 210839 and HD 34656. Black — observations; blue — smooth wind models;
Purple — clumped winds with D = 10 and void interlump medium and monotonic
velocity; green — clumped winds with D = 10 and with d = 0.05 and vgis = 0.1 vg;
red — clumped winds with D = 400 and with d = 0.05 and vg;s = 0.1 v3. Other model
parameters are given in Table 7.3.
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Ficure 7.3: Comparison of FUSE observations with theoretical line profiles for HD
193514. Black — observations; blue — smooth wind model; Purple — clumped wind
with D = 10 and void interlump medium and monotonic velocity; green — clumped
wind with D = 10 and with d = 0.05 and vgis = 0.1vg; red — clumped wind with
D = 400 and with d = 0.05 and vg;s = 0.1 vg. Other model parameters are given in

Table 7.3.
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Chapter 8

Summary and conclusions

In this thesis, a full 3-D inhomogenous stellar wind model is presented and the
radiative transfer equation using MC method is solved to model resonance lines
(Surlan et al., 2012b). To our knowledge, this is the first work where the problem
of resonance line formation in stellar winds is solved in full 3-D, while previous work
was restricted to 2-D or pseudo-3-D geometries only.

The radiative transfer is also calculated for the formation of doublets. This is
important, because UV resonance doublets are a key diagnostic tool for stellar winds.
This work demonstrates the role that stellar wind clumping plays in the formation
of spectral lines, and how it affects the empirical wind diagnostics.

The method developed is very flexible, as it is capable to account for different
3-D shapes of clumps, for arbitrary 3-D velocity fields, and for interclump medium
at the same time. Below we briefly summarize the main results of the models.

e Allowing for clumps of any optical thickness (macroclumping) causes a signifi-
cant reduction of the effective opacity in the lines. Consequently, there is less
absorption in the wind. Since this reduction is weaker for the outer parts of
the wind, the line profiles show an absorption dip near v.,, which is probably
reduced if the clumping factor is higher further outwards. This will be tested
in further work.

e For a given clumping factor D, the key model parameter affecting the effec-
tive opacity is Lg, the clump separation parameter. The opacity reduction is
largest for the largest value of Ly (Fig. 6.1). Therefore, the mass-loss rate em-
pirically obtained by fitting the UV resonance lines becomes larger when the
macroclumping effect is taken into account.
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e The onset of clumping, 7., affects the line shape: the closer to the stellar
surface clumping starts, the weaker is the absorption dip at the line center
(Fig. 6.4). This absorption dip may provide an effective a diagnostic for the
onset of clumping.

e Line saturation is strongly affected by the interclump medium. A non-void
interclump medium is required to reproduce the saturated lines simultaneously
with non-saturated lines (Fig. 6.3).

e Adding a velocity dispersion within the clumps to the mean velocity law extends
absorption to a larger blue-shift than corresponding to v.,. This effect has to
be taken into account when deriving v, from observations.

e In any clumped wind, non-monotonic velocities will always appear together
with density inhomogeneities. Therefore, their combined effect must be taken
into account for the line formation modeling (see e.g., Surlan et al., 2012a).

e In case of resonance doublets, the basic clumping effects are analogous to the
case of single lines.

e The problem of P Vv mass-loss rate determination has not been satisfactorily
solved yet. While X-rays do not seem to alter the ionization balance of P v,
the case of XUV radiation has not yet been tested by detailed consistent non-
LTE calculations. The dependence of mass-loss rates on clumping has still not
been analysed in a big detail yet. Available the results show that clumping,
below the critical point, may have strong influence on predicted mass-loss rates.
Although results of hydrodynamical simulations do not support clumping below
the sonic point, there is a possibility of creating clumps by other mechanisms.
Detailed hydrodynamical calculations are needed (Kubét and Surlan, 2012).

The main conclusion of this work is that in a realistic 3-D wind with density
inhomogeneities and non-stationary velocity, the P-Cygni profiles from resonance
lines are significantly different from those from smooth and stationary 3-D winds
(see also Surlan et al., 2012b,a). Any mass-loss diagnostics which do not account for
wind clumping must underestimate the actual mass-loss rates. This can explain the
reported discrepancies between the mass-loss rates obtained from p- and p?-based
diagnostics, respectively. Using the general description of clumping presented in this
work and with comparison with observations, it will be possible to gain deep insight
to the structure of stellar winds, and obtain reliable mass-loss rate measurements.

The most important principal problem in clumping is the clump creation mech-
anism. All current models rely on results of 1-D stability analysis and 1-D hydro-
dynamical wind modeling. However, these models do not describe how clumps are
formed in 3-D. 3-D models of clumping must be based on free parameters, which help
to fit observations, but do not answer the essential questions of clump formation. It
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is possibile that an additional mechanism other than radiation line driving may be
responsible for clump creation, however, this work is still in progress. Another issue
is the evolution of clumps after they are formed. They may expand to follow the
local density via the clumping factor, or they may save their mass, volume, and
shape, and leave the star as they were formed, or something in between may be true.
Detailed non-LTE modeling including clumping will provide a more sophisticated
tool which is necessary to understand the formation of spectral lines in an expanding
inhomogeneous massive, hot star wind. To further understand how clumping may
influence predicted mass-loss rates, a detailed description of clumping has to be in-
corporated in hydrodynamical calculations. Future research should include greater
detail analysis of the physics of clumps.
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